Millimeter Interferometry

Proceedings from

IMISS2

“IRAM Millimeter Interferometry Summer School 2”

edited by A.Dutrey^{1,2}

1 Institut de RadioAstronomie Millimétrique 300 rue de la piscine F-38406 Saint Martin d’Hères Cedex, FRANCE

2 Laboratoire d’Astrophysique de Grenoble BP53 F-38041 Grenoble Cedex 9, France

ii

In Memoriam

This book is dedicated to the memory of our esteemed colleagues

ffl Bernard AUBEUF

ffl Francis GILLET

ffl Henri GONTARD

ffl David LAZARO

ffl Roland PRAYER

ffl Patrick VIBERT

and of the other 19 persons who died on 1^{st} of July, 1999, in the tragic accident of the cable car giving access to the IRAM interferometer site or on december 15^{th}, 1999, in the crash of the helicopter ensuring transport between the Plateau de Bure and the valley.

Bernard AUBEUF and Patrick VIBERT had been with the IRAM interferometer since the very beginning of its construction. With the help of Henri GONTARD, they had assumed the difficult task of handling the cable car, the general maintenance of the Plateau de Bure buildings, as well as long days of snow clearing to allow the configuration changes in winter. Francis GILLET and Roland PRAYER had been regularly joining the IRAM staff for the summer maintenance, and for the construction of the antennas. David LAZARO was working in the workshop at IRAM headquarters as a precision mechanics.

15 employees of companies working as contractors for IRAM (either on the baseline extension, or on facilities like telephone equipment) also lost their lives in the first accident. 3 engineers working on the telepherique reconstruction and the pilot died in the helicopter crash.

These persons were not astronomers but without their efforts, millimeter astronomy would never have come to the Plateau de Bure site and you would not being reading this book. We wish to dedicate these proceedings to their memory.

Preface

This book contains the updated proceedings from the summer schools held at IRAM in Grenoble from September 14 to September 18, 1998 for IMISS1 and from June 12 to June 16, 2000 for IMISS2. Both schools were attended by more than 50 participants from abroad. Not all lectures have been put in written form: the schools also included a general introduction to millimeter astronomy by Dr. Clemens THUM (IRAM). IMISS2 also contained an introduction on interferometry from the point of view of the quantum mechanics by Dr. Dennis DOWNES (IRAM). A visit to the IRAM interferometer on Plateau de Bure was an essential part of the first school. In the second one, visits to the receiver and correlator laboratories were organized.

The schools would not have occurred without the dedication of Mrs Catherine BERJAUD, who kindly took care of all logistics problems before and during the schools. Dr. Stéphane GUILLOTEAU is also thanked for organizing IMISS1 and doing the edition of the first series of lectures.

During IMISS1, the visit to the interferometer would not have been possible without the contribution of the technical and operator staff of the telescope. Special thanks to the operators Sophie LEONARDON, Michel DAN and André RAMBAUD who also made the films which were presented as an introduction to the Plateau de Bure interferometer at IMISS2. We also acknowledge the receiver and correlator groups who managed the visits to the labs during IMISS2.

We also thank Alain PERRIGOUARD and Roger AHTCHOU for help with the video equipment which gave us a lot of fun during the “real time” sessions.

Finally, Anne DUTREY would like to thank Mrs Cathy BERJAUD for a careful reading of the manuscript, fighting against the last typo errors.

Participants to IMISS1 and IMISS2

This section contains the list and e-mail addresses of participants to IMISS1 and IMISS2 and two photos taken during IMISS2.

Table 1: IMISS1, list of participants

NAME Email

ANDERSSON Andreas andreas@astro.su.se ANTERRIEU Eric anterrieu@obs-mip.fr BACMANN Aurore abacmann@cea.fr BAUDRY Alain alain.baudry@observ.u-bordeaux.fr BERGER Jean-Philippe berger@obs.ujf-grenoble.fr BONTEMPS Sylvain bontemps@astro.su.se BREMER Michael bremer@iram.fr BROOKS Kate kbrooks@newt.phys.unsw.edu.au BROWN David dbrown@mrao.cam.ac.uk CASTETS Alain Alain.Castets@obs.ujf-grenoble.fr CHARMANDARIS Vassilis Vassilis.Charmandaris@obspm.fr DOLE Hervé dole@ias.fr DUCHENE Gaspard Gaspard.Duchene@obs.ujf-grenoble.fr DUTREY Anne dutrey@iram.fr DUVERT Gilles Gilles.Duvert@obs.ujf-grenoble.fr EISLOFFEL Jochen jochen@tls-tautenburg.de GERMAIN Benoit Benoit.Germain@obspm.fr GREVE Albert greve@iram.fr GUELIN Michel guelin@iram.fr GUETH Frédéric gueth@mpifr-bonn.mpg.de GUILLOTEAU Stéphane guillote@iram.fr HARDER Stephan Stephan.Harder@obs.ujf-grenoble.fr HERPIN Fabrice herpin@observ.u-bordeau.fr ISAAC Kate isaak@astro.umd.edu KLEIN Randolf rklein@otto.astro.uni-jena.de KRAUSE Oliver krause@mpia-hd.mpg.de LAZAREFF Bernard lazareff@iram.fr LEFLOCH Bertrand lefloch@astro.iem.csic.es LOINARD Laurent Laurent.Loinard@obs.ujf-grenoble.fr LUCAS Robert lucas@iram.fr MALBET Fabien Fabien.Malbet@obs.ujf-grenoble.fr MAOLI Roberto maoli@mesioa.obspm.fr MINIER Vincent vincent@oso.chalmers.se MONIN Jean-Louis monin@obs.ujf-grenoble.fr MORENO Rafael moreno@iram.fr MOTTE Frédérique Fmotte@cea.fr NAVARRINI Alessandro navarrin@iram.fr NERI Roberto neri@iram.fr NICCOLINI Gilles nicolin@obs-nice.fr NIETEN Christoph chnieten@mpifr-bonn.mpg.de PANIS Jean-François panis@biaa.sinica.edu.tw PISANU Tonino tpisanu@ira.bo.cnr.it RAVERA Laurent Laurent.Ravera@cesr.fr ROBERT Didier robert@iram.fr

Table 2: IMISS1, list of participants continued

NAME Email

SANCHEZ CONTRERAS Carmen sanchez@oan.es SCHNEIDER Nicola schneider@ph1.uni-koeln.de TARCHI Andrea atarchi@astro.uni-bonn.de THUM Clemens thum@iram.fr TRIGILIO Corrado trigilio@ira.noto.cnr.it UMANA Grazia umana@ira.noto.cnr.it WIESEMEYER Helmut wiesemey@iram.fr WILD Wolfgang wild@iram.es

Table 3: IMISS2, list of participants

NAME Email

ARCE Hector harce@cfa.harvard.edu AUGEREAU Jean-Charles Jean-Charles.Augereau@obs.ujf-grenoble.fr BACMANN Aurore bacmann@astro.uni-jena.de BELLOCHE Arnaud belloche@discovery.saclay.cea.fr BELTRAN Maria-Teresa mbeltran@cfa.harvard.edu BERGER Jean-Philippe berger@enserg.fr BIOLLUZ Gilles gbiolluz@yahoo.com BOONE Frederic Frederic.Boone@obspm.fr BREMER Michael bremer@iram.fr BRETHERTON Derek deb@astro.livjm.ac.uk CASTRO-CARRIZO Arancha Carrizo@oan.es CECARELLI Cecilia Cecilia.Ceccarelli@obs.ujf-grenoble.fr COLOM Pierre colom@obspm.fr COMITO Claudia ccomito@mpifr-bonn.mpg.de CONTINI Thierry tcontini@eso.org DAN Michel dan@iram.fr DANNERBAUER Helmut dannerb@mpe.mpg.de DARTOIS Emmanuel dartois@iram.fr DELGADO Guillermo gdelgado@eso.org DE VRIES Christopher devries@astro.umass.edu DOWNES Dennis downes@iram.fr DUTREY Anne dutrey@iram.fr

Table 4: IMISS2, list of participants continued

NAME Email

ELS Sebastian sels@eso.org FOSSE David fosse@isis.iem.csic.es GALLEGO CALVENTE Teresa tgallego@iram.es GREVE Albert greve@iram.fr GROSSO Nicolas ngrosso@xray.mpe.mpg.de GUETH Frédéric gueth@iram.fr GUILLOTEAU Stéphane guillote@iram.fr HAFOK Heiko hafok@ph1.uni-koeln.de HAGUENAUER Pierre Pierre.Haguenauer@obs.ujf-grenoble.fr HAIKALA Lauri lhaikala@sc.eso.org HENRY Florence Florence.Henry@obspm.fr HILY-BLANT Pierre hilyblan@iram.es KERVELLA Pierre pkervell@eso.org LAZAREFF Bernard lazareff@iram.fr LE FLOCH’H Emeric elefloch@eso.org LEONARDON Sophie Leonardo@iram.fr LOINARD Laurent loinard@iram.fr LUCAS Robert lucas@iram.fr MALBET Fabien Fabien.Malbet@obs.ujf-grenoble.fr MAO Ruiqing rqmao@mpifr-bonn.mpg.de MAUERSBERGER Rainer mauers@iram.es MEGE Pierre Pierre.Mege@obs.ujf-grenoble.fr MELCHIOR Anne-Laure A.L.Melchior@obspm.fr MORENO Raphael moreno@iram.fr MUELLER Sebastien muller@iram.fr NAKANISHI kouichiro nakanisi@nro.nao.ac.jp NERI Roberto neri@iram.fr NICCOLINI Gilles nicolin@obs-nice.fr NUERNBERGER Dieter nurnberger@iram.fr OTAROLA Angel aotarola@eso.org PARDO CARRION Juan Ramon pardo@isis.iem.csic.es PETY Jérôme pety@Ira.ens.fr PRIEUR Jean-Louis jean-louis.prieur@ast.obs-mip.fr RAMBAUD André rambaud@iram.fr SCHREYER Katharina martin@astro.uni-jena.de SEGRANSAN Damien Damien.Segransan@obs.ujf-grenoble.fr TEYSSIER David teyssier@Ira.ens.fr THI Wing-Fai thi@strw.leidenuniv.nl THOMAS Bertrand thomas@iram.es THUM Clemens thum@iram.fr VALLEJO Olivier vallejo@observ.u-bordeaux.fr VASTEL Charlotte Charlotte.Vastel@cesr.fr WIESEMEYER Helmut wiesemey@iram.fr WILGENBUS David david.wilgenbus@obspm.fr ZUCCONI Antonio zucconi@arcetri.astro.it

Figure 1: Participants to IMISS2

Figure 2: Participants to IMISS2

Contents

1 Radio Antennas 1 1.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1 1.2 Basic Principles . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 2 1.3 The perfect Single–Dish antenna . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 3 1.4 The real Single–Dish Antenna . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 7 1.4.1 Systematic Deformations: Defocus, Coma, Astigmatism . . . . . . . . . . . . . . . . 7 1.4.2 Random Errors . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10 1.5 Radiometric Relations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 13

2 Millimetre Interferometers 15 2.1 Basic principle . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 15 2.2 The Heterodyne Interferometer . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 17 2.2.1 Source Size Effects . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 17 2.2.2 Finite Bandwidth . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 19 2.3 Delay Tracking and Frequency Conversion . . . . . . . . . . . . . . . . . . . . . . . . . . . . 20 2.4 Fringe Stopping and Complex Correlator . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 21 2.5 Fourier Transform and Related Approximations . . . . . . . . . . . . . . . . . . . . . . . . . 21 2.6 Array Geometry & Baseline Measurements . . . . . . . . . . . . . . . . . . . . . . . . . . . 23

3 Millimetre Very Long Baseline Interferometry 25 3.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 25 3.2 mm–VLBI Arrays . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 26 3.2.1 The CMVA Array . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 26 3.2.2 The VLBA Array . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 29 3.3 Available Resolution . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 29 3.4 Polarization Observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 31 3.5 The Feasibility of mm–VLBI: Signal–to–Noise Ratio and Detections . . . . . . . . . . . . . 31 3.6 From observations to correlations, step by step . . . . . . . . . . . . . . . . . . . . . . . . . 36 3.6.1 Observing Techniques . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 36 3.6.2 Data Recording . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 36 3.6.3 Correlation Time . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 36 3.6.4 Phase Correction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 36 3.6.5 Correlation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38 3.7 The observable sources with mm–VLBI . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38 3.7.1 Which Kind of sources can we observe . . . . . . . . . . . . . . . . . . . . . . . . . . 38 3.7.2 The field of view . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38 3.7.3 An example: mm–VLBI Observations of QSO 3C 273 . . . . . . . . . . . . . . . . . 39

4 Introduction to Optical/Near-Infrared Interferometry 41 4.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 41 4.1.1 Brief history of optical interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . 41 4.1.2 Current and future optical interferometers . . . . . . . . . . . . . . . . . . . . . . . . 42

4.2 Optical versus millimeter radio interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . 43 4.2.1 Common issues . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 43 4.2.2 Main differences . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 43 4.3 Description of optical interferometers . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 44 4.3.1 Functional description . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 44 4.3.2 Specific applications . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 47 4.4 Formation of the interferometric fringes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 49 4.4.1 Beam combination . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 49 4.4.2 Fringe coding and detection . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 51 4.5 Main challenges in interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 51 4.5.1 Atmosphere turbulence . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 52 4.5.2 Other atmosphere systematics . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 52 4.5.3 Fighting the atmosphere: complexity and accuracy . . . . . . . . . . . . . . . . . . . 53 4.5.4 Noise sources - Sensitivity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 53 4.6 Conclusion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 54

5 Receivers : an overview for non-specialists 61 5.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 61 5.2 Coupling optics . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 61 5.3 Why we need heterodyne receivers . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 64 5.4 Local oscillator system . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 65 5.5 Local oscillator injection . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 65 5.6 Photon-assisted tunneling . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 65 5.7 Mixer . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 67 5.8 Cryostat . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 68 5.9 Actual receivers . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 68

6 Cross Correlators 71 6.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 71 6.2 Basic Theory . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 72 6.3 The Correlator in Practice . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 75 6.3.1 Digitization of the input signal and clipping correction . . . . . . . . . . . . . . . . . 76 6.3.2 Time lag windows and spectral resolution . . . . . . . . . . . . . . . . . . . . . . . . 80 6.3.3 Main limitations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 81 6.4 The correlator on Plateau de Bure . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 85 6.4.1 The third-generation correlator . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 85 6.5 Appendix . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 86 6.5.1 Summary of definitions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 86 6.5.2 Clipping correction for 4-level quantization . . . . . . . . . . . . . . . . . . . . . . . 87

7 LO System and Signal Transport 89 7.1 An Heterodyne Interferometer . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89 7.1.1 The simple interferometer . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89 7.1.2 The heterodyne interferometer . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89 7.1.3 Frequency conversion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 90 7.1.4 Signal phase . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 90 7.2 Delay lines requirements . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 92 7.2.1 Single sideband processing in a finite bandwidth . . . . . . . . . . . . . . . . . . . . 92 7.2.2 Double sideband system . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 93 7.3 sideband separation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 93 7.3.1 Fringe rate method . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 93 7.3.2 Phase switching method . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 93 7.4 The PdB Signal and LO transport system . . . . . . . . . . . . . . . . . . . . . . . . . . . . 94 7.4.1 Signal path . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 94

7.4.2 LO generation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 96 7.4.3 Further signal processing . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 96 7.4.4 Phase stability requirements . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 96 7.4.5 Cable electrical length control . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 97 7.5 Next generation instruments . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 97

8 The Plateau de Bure Interferometer 99 8.1 History . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 99 8.2 Description . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 99 8.3 Array operation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 101 8.3.1 Array calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 101 8.3.2 Array observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 104 8.4 Proposal submission and contact people . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 105

9 Bandpass and Phase Calibration 109 9.1 Definitions and formalism . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 109 9.1.1 Baseline based vs antenna based gains . . . . . . . . . . . . . . . . . . . . . . . . . . 110 9.1.2 Gain corrections . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 111 9.2 Bandpass calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 111 9.2.1 Bandpass measurement . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 111 9.2.2 IF passband calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 111 9.2.3 RF bandpass calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 112 9.2.4 Sideband calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 113 9.3 Phase calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 113 9.3.1 Phase referencing by a nearby point source . . . . . . . . . . . . . . . . . . . . . . . 114 9.3.2 Phase referencing by a point source in the primary beam . . . . . . . . . . . . . . . 115 9.3.3 Phase referencing using another band or another frequency . . . . . . . . . . . . . . 115

10 Atmospheric Absorption 117 10.1 The physical and chemical structure of the Atmosphere . . . . . . . . . . . . . . . . . . . . 117 10.1.1 Constituents of the atmosphere . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 117 10.1.2 Thermodynamics of the air . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 118 10.1.3 Hydrostatic equilibrium . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 119 10.1.4 Water . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 120 10.2 Atmospheric radiative transfer in the mm/submm . . . . . . . . . . . . . . . . . . . . . . . 120 10.2.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 120 10.2.2 Unpolarized radiative transfer equation . . . . . . . . . . . . . . . . . . . . . . . . . 120 10.2.3 Spectroscopic parameters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 121 10.2.4 Line shapes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 123 10.2.5 Non-resonant absorption . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 124 10.2.6 Radiative transfer through atmospheric hydrometeors . . . . . . . . . . . . . . . . . 125 10.3 Fourier Transform Spectroscopy for site testing . . . . . . . . . . . . . . . . . . . . . . . . . 126 10.3.1 FTS measurements at Mauna Kea . . . . . . . . . . . . . . . . . . . . . . . . . . . . 126 10.3.2 FTS measurements at Atacama (future ALMA site) . . . . . . . . . . . . . . . . . . 128 10.4 Atmospheric absorption evaluation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 129 10.4.1 Correction for atmospheric absorption, T^∗_A . . . . . . . . . . . . . . . . . . . . . . . . 129 10.5 Phase fluctuation evaluation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 132 10.5.1 Cause of Phase Fluctuations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 132 10.5.2 Simulations of phase fluctuations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 132 10.5.3 Phase Correction Methods . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 132 10.5.4 Example of phase correction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 133

11 Atmospheric Fluctuations 137 11.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 137 11.2 Hydrodynamical basics of turbulent motion . . . . . . . . . . . . . . . . . . . . . . . . . . . 139 11.3 Statistical properties of turbulence . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 141 11.4 Remote sounding techniques . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 143 11.5 Current phase correction at IRAM . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 144 11.6 Phase correction during off-line data reduction . . . . . . . . . . . . . . . . . . . . . . . . . 147 11.7 Frequently asked questions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 148

12 Amplitude and Flux Calibration 151 12.1 Definition and Formalism . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 151 12.2 Single-dish Calibration of the Amplitude . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 152 12.2.1 Low opacity approximation and implication for T_{cal} . . . . . . . . . . . . . . . . . . 153 12.2.2 Absolute errors on T_{cal} due to instrumental parameters . . . . . . . . . . . . . . . . 154 12.2.3 Relative errors or errors on T^L_{cal}/T^U_{cal} . . . . . . . . . . . . . . . . . . . . . . . . . . . 154 12.2.4 Estimate of the thermal noise . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 157 12.3 Flux Calibration (visitor’s nightmare) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 157 12.3.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 157 12.3.2 Calibration procedure at Bure . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 158 12.3.3 Determining the absolute flux scale on a project . . . . . . . . . . . . . . . . . . . . 159 12.3.4 Possible biases and remedies . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 160 12.3.5 The program FLUX . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 162 12.4 Interferometric Calibration of the Amplitude . . . . . . . . . . . . . . . . . . . . . . . . . . 162 12.4.1 Correction for the antenna gain Γ_i(t) . . . . . . . . . . . . . . . . . . . . . . . . . . . 162 12.4.2 Estimate of the atmospheric decorrelation factor f . . . . . . . . . . . . . . . . . . . 162 12.4.3 Fitting Splines: the last step . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 165 12.4.4 A few final checks . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 166

13 Calibration of data in Practice 169 13.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 169 13.1.1 Contents of the account . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 169 13.1.2 Before starting the data reduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . 170 13.1.3 Activating the CLIC environment . . . . . . . . . . . . . . . . . . . . . . . . . . . . 170 13.2 The “First Look” procedure . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 170 13.3 The “Standard Calibration (2-receivers)” procedure . . . . . . . . . . . . . . . . . . . . . . 172 13.3.1 Inputs . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 172 13.3.2 Actions or Outputs . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 172 13.3.3 Results of the calibration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 173

14 UV Plane Analysis 175 14.1 uv tables . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 175 14.1.1 uv table contents . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 175 14.1.2 How to create a uv Table . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 176 14.2 uv data plots . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 177 14.3 Data editing . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 178 14.4 Position shift . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 179 14.5 Averaging . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 179 14.5.1 Data compression . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 179 14.5.2 Circular averaging . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 180 14.6 Model fitting . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 180 14.6.1 Position measurement . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 181 14.7 Continuum source subtraction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 181 14.8 Self calibration by a point source . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 181

15 The Imaging Principles 185 15.1 Fourier Transform . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 186 15.1.1 Direct Fourier Transform . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 186 15.1.2 Fast Fourier Transform . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 186 15.1.3 Gridding Process . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 186 15.2 Sampling & Aliasing . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 187 15.3 Convolution and Aliasing . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 187 15.4 Error Analysis . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 189 15.5 Weighing and Tapering . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 189 15.6 The GILDAS implementation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 191 15.7 Deconvolution . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 191 15.7.1 The CLEAN method . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 192 15.7.2 Interpretation of CLEAN . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 193 15.7.3 The CLEAN variants . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 193 15.7.4 The GILDAS implementation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 194

16 Advanced Imaging Methods: WIPE 195 16.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 195 16.2 Object space . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 196 16.3 Experimental data space . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 197 16.4 Image reconstruction process . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 198 16.4.1 Synthesized aperture . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 198 16.4.2 Synthetic beam . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 199 16.4.3 Regularization frequency list . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 199 16.4.4 Data space . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 200 16.4.5 Object representation space . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 200 16.4.6 Objective functional . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 200 16.4.7 Uniqueness and robustness . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 201 16.5 Implementation of WIPE at IRAM . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 204

17 Mosaicing 207 17.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 207 17.2 Image formation in a mosaic . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 208 17.3 Mosaicing in practice . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 210 17.4 A CLEAN-based algorithm for mosaic deconvolution . . . . . . . . . . . . . . . . . . . . . . 212 17.5 Artifacts and instrumental effects . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 215 17.6 Concluding remarks . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 217

18 Imaging in Practice 219 18.1 Visualisation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 219 18.2 Photometry . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 220 18.2.1 From Flux density to Brightness temperature . . . . . . . . . . . . . . . . . . . . . . 220 18.2.2 Accuracy of Flux density estimates . . . . . . . . . . . . . . . . . . . . . . . . . . . . 220 18.3 Short Spacings . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 222 18.3.1 UV SINGLE . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 222 18.4 Dirty Tricks . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 223 18.4.1 MOMENTS . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 223 18.4.2 Continuum Subtraction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 224

19 Low Signal-to-noise Analysis 225 19.1 Continuum Source . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 225 19.1.1 Flux measurement . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 225 19.1.2 Other parameters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 226 19.2 Spectral Line Sources . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 228

20 Basic Principles of Radio Astrometry 231 20.1 Introduction and Basic Formalism . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 231 20.2 The Phase Equation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 232 20.3 Determination of Source Coordinates and Errors . . . . . . . . . . . . . . . . . . . . . . . . 233 20.4 Accurate Position Measurements with the IRAM Interferometer . . . . . . . . . . . . . . . . 234 20.4.1 Absolute positions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 235 20.4.2 Relative Positions and Self-calibration Techniques . . . . . . . . . . . . . . . . . . . 236 20.5 Sources of Position Uncertainty . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 237 20.5.1 Known Limitations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 238 20.5.2 Practical Details . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 238

21 Mm versus Optical Interferometry: a qualitative comparison 241 21.1 The basic equation of interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 241 21.1.1 Additive interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 242 21.1.2 Multiplicative interferometry . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 242 21.2 Getting the fringes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 242 21.3 Atmospheric behaviour and noise properties . . . . . . . . . . . . . . . . . . . . . . . . . . . 243

Chapter 1

Radio Antennas

Albert Greve

greve@iram.fr

IRAM, 300 rue de la Piscine, F-38406 Saint Martin d’Hères

1.1 Introduction

We can define a radio antenna as an instrument which collects, and detects, electromagnetic radiation from a certain area and direction of the sky, allowing to build up an image from individual observations. In radio astronomy we are interested in the detection and analysis of radiation emitted from celestial objects, i.e. solar system bodies, stars, interstellar gas, galaxies, and the universe. The electromagnetic radiation observed in radio astronomy covers the wavelength range from several meters, say 10 m (= 30 MHz), to a fraction of a millimeter, say 0.3 mm (≈ 1000 GHz). Since the antenna must be many wavelengths in diameter in order to collect a large amount of energy and to provide a reasonable directivity (angular resolution), it is evident that antennas for meter wavelengths may have dimensions of many 10 meters to several 100 meters, while antennas for millimeter wavelengths have dimensions of several meters to several 10 meters (≈ 10 000 to 50 000 λ’s). The technique of mechanical contruction is therefore different for meter and millimeter wavelength antennas: antennas for m–wavelengths can be constructed, for instance, as mesh–wire networks and plate arrays, mm–wavelength antennas are full–aperture solid surface parabolic reflector antennas. Typical examples are the obsolete Mills–Cross antenna, the Effelsberg and GBT 100–m antennas, and the IRAM 30–m (Pico Veleta) and 15–m (Plateau de Bure) antennas. However, despite the variety of mechanical constructions, all antennas can be understood from basic principles of eletromagnetic radiation, optics, and diffraction.

Here we discuss full–aperture parabolic antennas, like the IRAM antennas, which are used for observations at ∼ 3 – 0.8 mm wavelength (100 – 350 GHz). These antennas are very similar to optical reflector telescopes and use in particular the Cassegrain configuration of a parabolic main reflector and a hyperbolic subreflector (Figure 1.3), with an image formed at the secondary focus near the vertex of the main reflector where the receiver, or a receiver–array, is installed. These antennas are steerable and can observe in any direction of the visible hemisphere, with the facility of tracking, scanning, and mapping of a source.

The collected radiation is concentrated in the secondary focus and is (coherently) detected by a receiver at a certain frequency ν (or wavelength λ) and within a certain bandwidth Δν (or Δλ). Heterodyne mm– wavelength receivers, which preserve the phase of the incident radiation, have small bandwidths of the order of Δν = 0.5 − 2 GHz so that Δν/ν = Δλ/λ ≈ 0.5 GHz/100 GHz ≈ 1/200. From the point of view of antenna optics, these receivers detect “monochromatic” radiation, and the antenna characteristics can be calculated for a monochromatic wave (as will be done below). Bolometer receivers, on the other hand, detect power in a broad bandwidth of the order of Δν ≈ 50 GHz so that Δν = 50 GHz/250 GHz ≈ 1/5. These detectors are no longer monochromatic, and the chromatism of the antenna must be considered in their application.

The construction and operation of a radio antenna is based on exact physical theories, like Maxwell’s theory of electromagnetic radiation, the pointing theory of an astronomical instrument, the transformation (mixing, down–conversion, amplification) and detection of electromagnetic radiation, etc. The theory of a radio antenna presented here is, however, only the very tip of an iceberg (of several 100 000 published pages), but may provide sufficient information for the user astronomer to understand the basic principle of a telescope, either a perfect one, which nobody has but which can be described with high precision, or a real one, with small defects and aberrations, which can be described with sufficient detail to apply corrections.

The theory, construction, and use of radio antennas is contained in many textbooks and journals such as IEEE Transactions Antennas and Propagation, Radio Science, Applied Optics. A biased selection is mentioned here: [Born & Wolf 1975] [Reynolds et al. 1989] [Love 1978] [Lo and Lee] [Kraus 1982] [Goldsmith 1988]

1.2 Basic Principles

The properties of electromagnetic radiation propagation and of radio antennas can be deduced from a few basic physical principles, i.e.

1. the notion that Electromagnetic Radiation are Waves of a certain Wavelength (λ), or Frequency (ν), and Amplitude (A) and Phase (φ);

2. from Huygens Principle which says that each element of a wavefront is the origin of a Secondary Spherical Wavelet;

3. the notion that the Optical Instrument (like a single–dish antenna, a telescope, etc.) combined with a receiver manipulates the incident wavefront through their respective phase and amplitude transfer functions.

Summarized in one sentence, and proven in the following, we may say that the radio antenna transforms the radiation incident on the aperture plane (A) to an image in the image plane (I), also called focal plane. Following Huygens Principle illustrated in Figure 1.1, the point a(x,y) ≡ a(⃗r) of the incident wavefront in the aperture plane A is the origin of a spherical wavelet of which the field δE(a^′) at the point a^′(u,v) ≡ a(⃗u) in the image plane I is

δE(⃗u) = A(⃗r)exp[iks]/s (1.1)

with k = 2 π/λ. The ensemble of spherical wavelets arriving from all points of A at the point a^′(⃗u) of the image plane I produces the field

E(⃗u) = ∫ A A(⃗r)Λ(β)[exp(iks)/s]dxdy (1.2)

For the paraxial case, when the rays are not strongly inclined against the direction of wave propagation (i.e. the optical axis), the inclination factor Λ can be neglected since Λ(β) ≈ cos(β) ≈ 1. Also, s ≈ s_0 for paraxial rays, but exp[iks] ≠ exp[iks_0] since these are cosine and sine terms of s where a small change in

Figure 1.1: Illustration of Huygens Principle. The individual points of the plane wavefront in the aperture plane (A) are the origin of secondary spherical wavelets, which propagate to the right, and superpose to form a plane wavefront in the image plane (I). The optical instrument (telescope) is placed in between A and I.

s may produce a large change of the cosine or sine value. Thus, for the paraxial approximation we may write

s = [(x − u)^2 + (y − v)^2 + z^2]^{1/2} ≈ R + g(x, y, R) − (xu + yv)/R (1.3)

with

R = (x^2 + y^2 + z^2)^{1/2} and g(x, y, R) = (x^2 + y^2)/2R (1.4)

When using these expressions in Eq.1.2, we obtain

E(u, v) = [exp(ikR)/s_0] ∫ A A(x, y)exp[ik(g(x, y, R) − (ux + vy)/R)]dxdy (1.5)

This equation describes the paraxial propagation of a wavefront, for instance the wavefront arriving from a very far away star. In particular, this equation says, that without disturbances or manipulations in between A and I the plane wavefront continues to propagate in straight direction as a plane wavefront.

1.3 The perfect Single–Dish antenna

We now place an optical instrument (a mirror, lens, telescope etc.) in the beam between A and I with the intention, for instance, to form an image of a star. Optical instruments are invented and developed already since several centuries; however, the physical–optics (diffraction) understanding of the image formation started only a good 200 years ago. Thus, speaking in mathematical terms, the telescope (T) manipulates the phases (not so much the amplitudes) between the points (⃗r) of the aperture plane (A) and the points (⃗u) of the image plane (I) by the phase transfer function Ω_O(⃗r, ⃗u), so that the wavefront converges in the focal point. The receiver (R)/detector introduces an additional modulation of the amplitude Ω_R(⃗r, ⃗u), as described below. Using this information, the field distribution in the focal plane (I) of the telescope becomes

E(⃗u) = [exp(ikR)/s_0] ∫ A A(⃗r)Ω_OΩ_Rexp[ik(g(x, y, R) − (ux + vy)/R)]dxdy (1.6)

The phase modulation of the parabolic reflector used in a radio telescope is, fortunately,

Ω_O = exp[−ik g(x, y, F)] (1.7)

Figure 1.2: Phase modulation of a reflector. The plane wavefront (W) propagates to the left and the ray reflected at P(x,y) toward the focus F is shifted in phase by the amount Δ.

(where F is the focal length of the reflector), which inserted into Eq.1.6 eliminates this term in the exponent so that

E(⃗u) = [exp(ikF)/F] ∫ A A(⃗r)Ω_Rexp[−ik(ux + vy)/F]dxdy ≡ FT [A(⃗r)Ω_R(⃗r)] (1.8)

This equation says that the field distribution E(⃗u) in the focal plane of the telescope is the Fourier transform (FT ) of the receiver–weighted field distribution A(⃗r)Ω_R(⃗r) in the aperture plane. Since E(⃗u)E^∗(⃗u) ≠ δ(⃗u−⃗u_o) for a realistic optical instrument/telescope with limited aperture size, we arrive at the well known empirical fact that the image of a point–like object is not point–like; or; with other words, the image of a star is always blurred by the beam width of the antenna Θ_b ∝ λ/D, with D the diameter of the reflector.

To close the argumentation, we need to show that the telescope manipulates the incident wave in the way given by Eq.1.7). To demonstrate this property in an easy way, we consider in Figure 1.2 the paraxial rays of a parabolic reflector of focal length F. From geometrical arguments we have

(F − Δ)^2 + (x^2 + y^2) = F^2 (1.9)

which for small Δ becomes

Δ = −(x^2 + y^2)/F ≡ − g(x, y, F) ≡ Ω_O(⃗r) (1.10)

which is the instrumental phase modulation function Ω_O used above. The proof is given for a simple parabolic reflector; however, a combined telescope with main reflector and subreflector can be treated in a similar way, leading to the same result.

The fundamental Eq.1.8 can be used to show that an interferometer is not a single dish antenna, even though one tries with many individual telescopes and many telescope positions (baselines) to simulate as good as possible the aperture of a large reflector. If we assume for the single dish antennas that A(⃗r) ≡ 1 and Ω_R ≡ 1, then the power pattern P(⃗u) (beam pattern) in the focal plane of the single antenna is

P(⃗u) = E(⃗u)E^∗(⃗u) = ∫ A ∫ A exp[−ik⃗u(⃗x_1 − ⃗x_2)](dxdy)_1(dxdy)_2 ∝ [J_1(⃗u)/u]^2 (1.11)

where J_1 is the Bessel function of first order (see [Born & Wolf 1975]). The function [J_1(u)/u]^2 is called Airy function, or Airy pattern. The interferometer does not simulate a continuous surface, but consists of individual aperture sections A_∞, A_∈, .... of the individual telescopes, so that its power pattern P_Σ(⃗u) (beam pattern) in the focal plane is

P_Σ(⃗u) = ∑ n ∑ m ∫ An ∫ Am exp[ik⃗u(⃗x_1 − ⃗x_2)](dxdy)_1(dxdy)_2 ≠ P(⃗u) (1.12)

The important result of this equation is the fact that the image obtained with the interferometer is “incomplete”, though certainly not as blurred as seen with a single telescope (Θ_D ∝ λ/D), but having the superior

Figure 1.3: The figure shows a Cassegrain telescope and the illumination Ω_R of the incident plane wavefront W.

resolution of the spatial dimension (approximately the longest baseline B) of the array (Θ_B ∝ λ/B). For the Plateau de Bure interferometer B/D ≈ 300 m/15 m ≈ 20 so that Θ_B ≈ 1/20 Θ_D. The incompleteness sometimes requires (in particular for mm–VLBI observations which are very similar) additional information for a full image reconstruction, for instance that the object consists of several point–like sources, or a point–like source and a surrounding halo, etc. (see for instance the number of components in CLEAN).

The single telescope selects a part of the incident plane wavefront and ’bends’ this plane into a spherical wave which converges toward the focus. This spherical wavefront enters the receiver where it is mixed, down–converted in frequency, amplified, detected, or correlated. The horn–lens combination of the receiver modifies the amplitude of the spherical wavefront in a way expressed by the function Ω_R(⃗r). This function, called taper or illumination function of the horn–lens combination, weighs the wavefront across the aperture, usually in a radial symmetric way. Figure 1.3 shows, schematically, the effect of a parabolic taper as often applied on radio telescopes, and expressed as

Ω_R(ρ) = K + [1 − ρ^2]^p (1.13)

with ρ the normalized radius of the circular aperture, and K and p being constants. For A(⃗r) ≡ 1 (i.e. an incident wavefront without structure) the diffraction integral is

E_T(⃗u) = ∫ A Ω_R(⃗x)exp[−ik⃗u⃗x]dxdy and E(⃗u)E^∗(⃗u) ≡ A_T(⃗u) (1.14)

E_T is the tapered field distribution in the focal plane, and A_T the tapered beam pattern.

Figure 1.4 shows as example a two–dimensional cut through the calculated beam pattern A_T of the IRAM 15–m telescope at λ = 3 mm, once without taper (i.e. for Ω_R(⃗x) ≡ 1), and for a -10 dB edge taper, i.e. when the weighting of the wavefront at the edge of the aperture is 1/10 of that at the center (see Figure 1.3). As seen from the figure, the taper preserves the global structure of the non–tapered beam pattern, i.e. the main beam and side lobes, but changes the width of the beam (BW: Θ_b), the position of the first null (Θ_{fb}), and the level of the side lobes. The effect of the taper depends on the steepness of the main reflector used in the telescope, as shown in Figure 1.5. The influence of several taper forms is given in Table 1.1 [Christiansen and Hogbom 1969].

The complete telescope, i.e. the optics combined with the receiver, has a beam pattern A_T(⃗u) (in optics called point–spread–function) with which we observe point–like or extended objects in the sky

Figure 1.4: The figure shows the calculated beam pattern of the IRAM 15–m telescope at λ = 3 mm without taper, and for a – 10dB edge taper. The horizontal scale is in arcseconds, the vertical scale is normalized power.

Figure 1.5: Illustration of the tapered beam pattern for telescopes using parabolic main reflectors of different steepness, expressed by the opening angle θ_o. IRAM 30–m and 15–m telescopes: θ_o ≈ 63^∘, optical telescopes: θ_o ≈ 5^∘. From [Minnet & Thomas 1968], Copyright: @ 1968 IEE, with kind permission from IEE Publishing Department.

Θ_b Θ_{f b} First sidelobe Aperture p K (radian) (radian) (dB) Efficiency

0 0 1.02 λ/D 1.22 λ/D 17.6 1.00 1 0 1.27 λ/D 1.62 λ/D 24.7 0.75 2 0 1.47 λ/D 2.03 λ/D 30.7 0.55 1 0.25 1.17 λ/D 1.49 λ/D 23.7 0.87 2 0.25 1.23 λ/D 1.68 λ/D 32.3 0.81 1 0.5 1.13 λ/D 1.33 λ/D 22.0 0.92 2 0.5 1.16 λ/D 1.51 λ/D 26.5 0.88

Table 1.1: Beamwidths, side lobe levels, and maximum aperture efficiency (ϵ_o) for various parameters of the tapering function. Adapted from [Christiansen and Hogbom 1969]

with the intention to know their position, structural detail, and brightness distribution B_S as function of wavelength. The telescope thus provides information of the form I(⃗u) ∝ ∫ Source

A_T(⃗u − ⃗u^′)B_S(⃗u^′)d⃗u^′ (1.15)

If the telescope is perfect, and we know A_T, we can use the information I(⃗u) to derive the calibrated brightness distribution B_S of the source distribution.

When we point the antenna toward the sky, in essence we point the beam in the direction of observation. If, for instance, we observe a point–like source it is evident that the peak of the main beam should point exactly on the source which requires that the pointing errors (ΔΘ) of the telescope should be small in comparison to the beam width. The loss in gain is small, and acceptable, if the mispointing ΔΘ < 1/10 Θ_b. Since modern radio telescopes use an alt-azimuth mount, this criterion says the mispointing in azimuth (ΔΘ_{az}) and elevation (ΔΘ_{el}) direction should not exceed 1/ √ 2 this value. The pointing and focus (see below) of the IRAM antennas are regularly checked during an observation, and corrected if required. The corresponding protocol of an observing session at Plateau de Bure, using 5 antennas, is shown in Figure 1.6.

1.4 The real Single–Dish Antenna

A telescope, however, is never perfect since mechanical, thermal, and wind–induced deformations of the structure occur, and the optics may be misaligned and/or have production imperfections, for one or the other reason. The resulting effect on the beam pattern is negligible if the corresponding wavefront deformations introduced by these imperfections are small compared to the wavelength of observation, generally smaller than ∼ λ/15; the effect is noticeable and disturbing when the wavefront deformations are large compared to the wavelength (∼ 1/4λ and larger). The wavefront deformations due to such imperfections may be of systematic nature, or of random nature, or both.

1.4.1 Systematic Deformations: Defocus, Coma, Astigmatism

There are three basic systematic surface/wavefront deformations (occasionally associated with pointing errors) with which the observer may be confronted, i.e. defocus, coma, and astigmatism (a transient feature on the IRAM 30–m telescope).

1. The most important systematic wavefront/beam error is due to a defocus of the telescope. This error is easily detected, measured, and corrected from the observation of a strong source at a number of focus settings. Figure 1.7 shows, as example, the beam pattern measured on Jupiter with the telescope being gradually defocused. Evidently, the peak power in the main beam decreases, the power in the side lobes increases, until finally the beam pattern has completely collapsed. To be on

Figure 1.6: Protocol of pointing corrections applied in azimuth and elevation direction, and focus corrections; shown for 5 antennas during an observation which lasted 6 hours.

the safe side for observations, the defocus of the telescope should not exceed ∼ 1/10λ. A defocus does not introduce a pointing error.

2. A telescope may have a comatic wavefront/beam error due to a misaligned subreflector, shifted perpendicular off the main reflector axis. Figure 8 shows, as example, a cross scan through a comatic beam of the IRAM 15–m telescope, especially produced by displacement of the subreflector. A comatic beam pattern introduces a pointing error. It may be useful for the observer to recognize this error, in particular if unexplained pointing errors occur in an observations. [The IRAM telescopes are regularly checked for misalignments, and correspondingly corrected.]

3. A telescope may have an astigmatic wavefront/beam error, usually introduced by complicated mechanical and/or thermal deformations (a transient feature on the IRAM 30–m telescope). While this beam deformation is easily recognized by the observer from the difference in beam widths measured from in–and–out–of–focus cross scans, the improvement of the telescope usually is difficult, and out of reach of the observer. A focused astigmatic beam does not introduce a pointing error. Figure 1.9 shows the focused beam pattern measured on a telescope which has a strong astigmatic main reflector (amplitude of the astigmatism ∼ 0.5 mm).

The beam deformation of systematic wavefront deformations occurs close to the main beam, and the exact analysis should be based on diffraction calculations. A convenient description of systematic deformations uses Zernike polynomials of order (n,m) [Born & Wolf 1975]. Without going into details, the Zernike–type surface deformation δ_{n,m} = α_{n,m} R_n(ρ) cos(mθ) [with (ρ, θ) normalized coordinates of the aperture, and R special polynomial functions] with amplitude α_{n,m} has a quasi rms–value σ = α_{n,m}/ √ n + 1 and introduces a loss in main beam intensity of

ϵ_{sys}/ϵ_o ≈ exp[−(4πα/λ)^2/(n + 1)] (1.16)

For primary coma n = 1, for primary astigmatism n = 2. Although the beam deformation may be very noticeable and severe, the associated loss in main beam intensity may still be low because of the reduction

Figure 1.7: Effect on the beam pattern (scans across Jupiter) introduced by defocusing the IRAM 15–m telescope (shifts of the subreflector in steps of λ/4, λ = 3 mm).

Figure 1.8: Illustration of a comatic beam (scanned in the direction of the coma) especially produced on the IRAM 15–m telescope. The shift of the subreflector is indicated by S. The beam pattern is perfect at S = 0. Note the shift of the beam (pointing error) when the subreflector is shifted.

Figure 1.9: Illustration of an astigmatic beam pattern; well focused.

Figure 1.10: Explanation of random errors (δ) and their correlation length (L), for Gaussian hat–like deformations (example). From [Ruze 1966], Copyright: @ 1966 IEEE, reprinted by permission of IEEE, Inc.

by the factor (n+1).

1.4.2 Random Errors

Besides systematic surface/wavefront deformations explained above (mainly due to misalignment of the optics), there are often permanent random deformations on the optic surfaces like ripples, scratches, dents, twists, misaligned panels, etc., with spatial dimensions ranging from several wavelengths to significant areas of the aperture. These deformations introduce identical deformations of the wavefront, which cannot be expressed in mathematical form (as the Zernike polynomials used above). Nevertheless, the effect on the beam pattern of this type of deformations can be analyzed in a statistical way and from a simple expression, the RUZE equation. This equation is often used to estimate the quality of a telescope, in particular as function of wavelength. The values obtained from this equation are directly related to the aperture efficiency, and beam efficiency, of the telescope, and hence are important for radiometric measurements (see Sect.1.5).

As illustrated in Figure 1.10, there are two parameters which allow a physical–optics description of the influence of random errors, i.e. the rms–value (root mean square value) σ of the deformations, and their correlation length L.

Random errors occur primarily on the main reflector; the other optical components of the telescope (subreflector, Nasmyth mirror, lenses, polarizers) are relatively small and can be manufactured with good precision. In order to explain the rms–value σ, we assume that the reflector aperture is divided into many elements (i = 1,2,...N), and that for each element [i] the deformation δ(i) of the reflector is known with respect to a smooth mean surface. The rms–value of these random surface deformations is σ = √∑ i=1,N

δ(i)^2/N (1.17)

The surface deformations δ(i) introduce corresponding wavefront deformations φ(i), approximately two times larger than the mechanical deformations δ in case we are dealing with reflective optics. The rms– value σ_φ of the corresponding phase deformations of the wavefront is

σ_φ = 2 k R σ (1.18)

again with k = 2π/λ, and R ≈ 0.8 a factor which takes into account the steepness of the parabolic main reflector [Greve & Hooghoudt 1981].

A description of the wavefront deformation by the rms–value σ_φ is incomplete since the value does not contain information on the structure of the deformations, for instance whether they consist of many dents at one part of the aperture, or many scratches at another part. A useful physical–optics description requires also a knowledge of the correlation length L of the deformations. L is a number (L ≤ D) which quantifies the extent over which the randomness of the deformations does not change. For example, the deformations of a main reflector constructed from many individual panels, which may be misaligned, often has a random error correlation length typical of the panel size, but also a correlation length of 1/3 to 1/5 of the panel size due to inaccuracies in the fabrication of the individual panels. A typical example is the 30–m telescope [Greve et al. 1998].

When knowing, by one or the other method, the rms–value σ_φ and the correlation length L, it is possible to express the resulting beam shape in an analytic form which describes well the real situation. The beam pattern F(Θ) of a wavefront with random deformations (σ_φ, L) [the telescope may actually have several random error distributions] consists of the degraded diffraction beam F_c(Θ) and the error beam F_e(Θ) such that

F(Θ) = F_c(Θ) + F_e(Θ) (1.19)

with

F_c(Θ) = exp[ − (σ_φ)^2]A_T(Θ) (1.20)

where A_T(Θ) is the tapered beam pattern (Eq.1.14), and

F_e(Θ) = a exp[−(πΘL/λ)^2] (1.21)

where

a = (L/D)^2[1 − exp(−σ^2_φ)]/ϵ_o (1.22)

In these equations, D is the diameter of the telescope aperture, λ the wavelength of observation, Θ the angular distance from the beam axis, and ϵ_o the aperture efficiency of the perfect telescope. In the formalism used here the beam is circular symmetric. The error beam F_e(Θ) has a Gaussian profile of width FWHP) Θ_e = 0.53λ/L [radians], i.e. the smaller the correlation length (the finer the irregular structure), the broader is the beam width Θ_e. The random errors of panel surface deformation and panel alignment errors may have large error beams (up to arcminutes in extent) which can pick up radiation from a large area outside the actual source. A knowledge of the structure and of the level of the error beam(s) is therefore important when mapping a source and making absolute power measurements. Figure 1.11 shows the diffraction beam and the combined error patterns measured on the 30–m telescope at various wavelengths. The smaller the wavelength of observation, the smaller is the power received in the main beam and the larger the power received in the error beam. Due to its particular mechanical construction, this telescope has three error beams [Greve et al. 1998].

Figure 1.11: Beam pattern measured on the IRAM 30–m telescope. The beam consists of the diffraction beam (≈ main beam) and a combined, extended error beam (solid line).

1.5. RADIOMETRIC RELATIONS 13

Figure 1.12: Illustration of the RUZE relation exp[–(4πRσ/λ)^2] as function of wavelength (frequency) and values Rσ as indicated (mm).

1.5 Radiometric Relations

The imperfections of a telescope, either due to systematic or random errors, produce beam deformations, a loss in gain, and focus and pointing errors. These effects must be taken into account when mapping and measuring a source. Information on the beam pattern obtained from a map (for instance holography map) of a strong point–like source; information on the sensitivity [Jy/K] and calibration of the telescope is obtained from absolute power measurements of, for instance, the planets, of which the brightness temperatures are quite well known. This information is usually collected by the observatory staff, and provided to the observer (30–m Telescope Manual; observation protocols of Plateau de Bure measurements).

We summarize the influence of random deformations, at least as far as the main beam is concerned, since for this case the RUZE equation provides sufficient precision for an understanding of the telescope behaviour; also for the astronomer observer without going into complicated radio optics detail. This relation appears in the expression of the diffraction beam F_c (see Eq.1.20) and shows clearly the fact that the degradation of the telescope, in particular for power measurements, increases exponentially with wavelength.

Aperture Efficiency: ϵ_{ap} = ϵ_o exp[−σ_φ] = ϵ_oexp[−(4πRσ/λ)^2] Antenna Gain:

S/T^∗_A = 2(k/A)η_f /ϵ_{ap} ≈ 2(k/A) exp[+(4σR/λ)^2]/ϵ_{ap} [Jy/K]

Beam Efficiency:

η_b = 0.8899 [Θ_b/(λ/D)]^2/ϵ_{ap} Θ_b = αλ/D, 1 ≤ α ≤ 1.2 [radians] η_b ≈ 1.2 ϵ_oexp[−(4πRσ/λ)^2] The quantities in these expressions are ϵ_o: aperture efficiency of the perfect telescope (usually of the order of ∼ 75 − 90 % ; see Table 1.1); ϵ_{ap}: effective aperture efficiency at the wavelength λ, including all wavefront / telescope deformations; σ: rms–value of the telescope optics deformations; R ≈ 0.8: reduction factor for a steep main reflector (N = F/D ≈ 0.3); S: flux density of a point source [Jy]; T^∗_A: measured antenna temperature [K] (see also Chapter 10); A: geometric surface area of the telescope [m^2]; η_f : forward efficiency, measured at the telescope for instance from a sky dip; Θ_b: main beam width (FWHP).

14 CHAPTER 1. RADIO ANTENNAS

Chapter 2

Millimetre Interferometers

Stéphane Guilloteau

guillote@iram.fr

IRAM, 300 rue de la Piscine, F-38406 Saint Martin d’Hères, France

This lecture presents the principle of the heterodyne interferometer. An heterodyne interferometer is composed of antennas (described in A.Greve lecture, Chapter 1), receivers (described in B.Lazareff lecture, Chapter 5), a correlator (described in H.Wiesemeyer lecture, Chapter 6) and an awful lot of cables and connections. This lecture only describes the basic principles; a more complete description, including subtleties due to multiple frequency conversions and digital delay lines, is given in R.Lucas lecture, Chapter 7.

2.1 Basic principle

The antenna produces a Voltage proportional to the linear superposition of the incident electric field pattern. For a simple monochromatic case:

U(t) = Ecos(2πνt + Φ) (2.1)

In the receiver, a mixer superimposes the field generated by a local oscillator to the antenna output.

U_{LO}(t) = Qcos(2πν_{LO}t + Φ_{LO}) (2.2)

The mixer is a non-linear element (such as a diode) whose output is

I(t) = a_0 + a_1(U(t) + U_{LO}(t)) + a_2(U(t) + U_{LO}(t))^2 + a_3(U(t) + U_{LO}(t))^3 + ... (2.3)

The second order (quadratic) term of Eq.2.3 can be expressed as I(t) = ... + a_2E^2cos^2(2πνt + Φ) + 2a_2EQcos(2πνt + Φ)cos(2πν_{LO}t + Φ_{LO}) + a_2Q^2cos^2(2πν_{LO}t + Φ_{LO}) + ... (2.4) Developping the product of the two cosine functions, we obtain I(t) = ... + a_2EQcos(2π(ν + ν_{LO})t + Φ + Φ_{LO}) + a_2EQcos(2π(ν − ν_{LO})t + Φ − Φ_{LO}) + ... (2.5) There are obviously other terms in 2ν_{LO}, 2ν, 3ν_{LO} ± ν, etc . . . in the above equation, as well as terms at very different frequencies like ν, 3ν, etc . . .

By inserting a filter at the output of the mixer, we can select only the term such that ν_{IF} − Δν/2 ≤ |ν − ν_{LO}| ≤ ν_{IF} + Δν/2 (2.6) where ν_{IF} , the so-called Intermediate Frequency, is a frequency which is significantly different from than the original signal frequency ν (which is often called the Radio Frequency ν_{RF} ). Hence, after mixing and filtering, the output of the receiver is

I(t) ∝ EQcos(2π(ν − ν_{LO})t + Φ − Φ_{LO}) (2.7) or I(t) ∝ EQcos(2π(ν_{LO} − ν)t − Φ + Φ_{LO}) (2.8) i.e.

• changed in frequency: ν → ν − ν_{LO} or ν → ν_{LO} − ν • proportional to the original electric field of the incident wave: ∝ E • with a phase relation with this electric field: Φ → Φ − Φ_{LO} or Φ → Φ_{LO} − Φ • proportional to the local oscillator voltage: ∝ Q The frequency change, usually towards a lower frequency, allows to select ν_{IF} such that amplifiers and transport elements are easily available for further processing. The mixer described above accepts simultaneously frequencies which are (see Fig.2.1)

• higher than the local oscillator frequency.

This is called Upper Side Band (USB) reception • lower than the local oscillator frequency.

This is called Lower Side Band (LSB) reception and cannot a priori distinguish between them. This is called Double Side Band (DSB) reception. Some receivers are actually insensitive to one of the frequency range, either because a filter has been placed at the receiver input, or because their response is very strongly frequency dependent. Such receivers are called Single Side Band (SSB) receivers.

An important property of the receiving system expressed by Eq.2.8 is that the sign of the phase is changed for LSB conversion. This property can be easily retrieved recognizing that the Frequency ν is the time derivative of the Phase Φ. Assume the phase varies linearly with time: Φ(t) = 2πnt n = 1 2π dΦ dt (2.9)

2.2. THE HETERODYNE INTERFEROMETER 17

Figure 2.1: Relation between the IF, RF and local oscillator frequencies in an heterodyne system

In this case, the signal

I(t) ∝ cos(2πνt + Φ(t))

∝ cos(2π(ν + n)t) (2.10) is just another monochromatic signal with slightly shifted frequency.

2.2 The Heterodyne Interferometer

Figure 2.2 is a schematic illustration of a 2-antenna heterodyne interferometer. Let us forget the frequency conversion for some time, i.e. assume ν_{IF} = ν_{RF} ...

The input (amplified) signals from 2 elements of the interferometer are processed by a correlator, which is just a voltage multiplier followed by a time integrator. With one incident plane wave, the output r(t) is r(t) =< v_1 cos(2πν(t − τ_g (t)))v_2 cos(2πνt) >= v_1v_2 cos(2πντ_g (t)) (2.11) where τ_g is obviously the geometrical delay,

τ_g(t) = (b.s)/c (2.12) The derivation assumes that v_1, v_2 and τ_g (t) varies slowly compared to the averaging timescale, which should nevertheless be long enough compared to frequency ν.

As τ_g varies slowly because of Earth rotation, r(t) oscillates as a cosine function, and is thus called the fringe pattern. As we had shown before that v_1 and v_2 were proportional to the electric field of the incident wave, the correlator output (fringe pattern) is thus proportional to the power (intensity) of the wave.

2.2.1 Source Size Effects

The signal power received from a sky area dΩ in direction s is (see Fig.2.3 for notations) A(s)I(s)dΩdν over bandwidth dν, where A(s) is the antenna power pattern (assumed identical for both elements, more precisely A(s) = A_i(s)A_j (s) with A_i the voltage pattern of antenna i, and I(s) is the sky brightness distribution

dr = A(s)I(s)dΩdν cos(2πντ_g ) (2.13) r = dν ∫ Sky A(s)I(s) cos(2πνb.s/c)dΩ (2.14) Two implicit assumptions have been made in deriving Eq.2.14. We assumed incident plane waves, which implies that the source must be in the far field of the interferometer. We used a linear superposition of the

Figure 2.2: Schematic Diagram of a two-element interferometer

Figure 2.3: Position vectors used for the expression of the interferometer response to an extended source, schematically represented by the iso-contours of the sky brightness distribution. s_0 is the tracking center of the interferometer, s the source vector, and dΩ a solid angle around the source.

2.3. DELAY TRACKING AND FREQUENCY CONVERSION 19

incident waves, which implies that the source must be spatially incoherent. These assumptions are quite valid for most astronomical sources, but may be violated under special circumstances. For example VLBI observations of solar system objects would violate the first assumption, while observations of celestial masers could violate the second one (if they were coherent as laboratory lasers, but observations have revealed astronomical masers are in fact incoherent).

When the interferometer is tracking a source in direction s_o, with s = s_o + σ r = dν cos(2πνb.s_o/c) ∫ Sky A(σ)I(σ) cos(2πνb.σ/c)dΩ − dνsin(2πνb.s_o/c) ∫ Sky A(σ)I(σ) sin(2πνb.σ/c)dΩ (2.15) We define the Complex Visibility V = |V |e^{iΦV} = ∫ Sky A(σ)I(σ)e^{(−2iπνb.σ/c)}dΩ (2.16) which resembles a Fourier Transform... We thus have r = dν (cos(2πνb.s_o/c)|V | cos(Φ_V ) − sin(2πνb.s_o/c)|V | sin(Φ_V )) = dν|V | cos(2πντ_G − Φ_V ) (2.17)

i.e. the correlator output is proportional to the amplitude of the visibility, and contains a phase relation with the visibility.

2.2.2 Finite Bandwidth

Integrating over dν, R = 1 Δν ∫_{ν0 +Δν/2} ν_0 −Δν/2 |V | cos(2πντ_G − Φ_V )dν (2.18)

Using ν = ν_0 + n R = 1 Δν ∫_{Δν/2} −Δν/2 |V | cos(2πν_0τ_G − Φ_V + 2πnτ_g )dn (2.19) = 1 Δν [ ∫_{Δν/2} −Δν/2 |V | cos(2πν_0τ_G − Φ_V ) cos(2πnτ_g )dn − ∫_{Δν/2} −Δν/2 |V | sin(2πν_0τ_G − Φ_V ) sin(2πnτ_g )dn] (2.20) = 1 Δν |V | cos(2πν_0τ_G − Φ_V ) [sin(2πnτ_g )]^{Δν/2}_{−Δν/2} 1 2πτ_g + 1 Δν |V | sin(2πν_0τ_G − Φ_V ) [cos(2πnτ_g)]^{Δν/2}_{−Δν/2} 1 2πτ_g (2.21)

= |V | cos(2πν_0τ_G − Φ_V ) sin(πΔντ_g ) πΔντ_g (2.22)

The fringe visibility is attenuated by a sin(x)/x envelope, called the bandwidth pattern, which falls off rapidly. A 1% loss in visibility is obtained for |Δντ_g | ≃ 0.078, or with Δν = 500MHz and a baseline length b = 100m, when the zenith angle θ (defined in Fig.2.3) is 2 arcmin only. Thus, the ability to track a source for a significant hour angle coverage requires proper compensation of the geometrical delay when a finite bandwidth is desired.

Figure 2.4: 2-element heterodyne interferometer with delay tracking after frequency conversion

2.3 Delay Tracking and Frequency Conversion

To compensate for the geometrical delay variations, delay lines with mirrors (as in optics...) would be completely impractical given the required size of the mirrors. The compensating delay is thus performed electronically after one (or several) frequency conversion(s), as illustrated in Fig.2.4. This can be implemented either by switching cables with different lengths, or in a more sophisticated way, by using shift memories after digital sampling of the signal in the correlator. Apart for a few details (see R.Lucas lecture, Chapter 7), the principle remains identical.

In the case presented in Fig.2.4, for USB conversion, the phase changes of the input signals from antenna 1 and 2 before reaching the correlator are respectively

Φ_1 = 2πντ_G = 2π(ν_{LO} + ν_{IF} )τ_G (2.23) Φ_2 = 2πντ_I + Φ_{LO} (2.24)

Introducing Δτ = τ_g − τ_I as the delay tracking error, the correlator output is

r = A_o|V | cos(Φ_1 − Φ_2 − Φ_V ) USB r = A_o|V | cos(2π(ν_{LO}τ_G + ν_{IF} Δτ) − Φ_V − Φ_{LO}) LSB r = A_o|V | cos(2π(ν_{LO}τ_G − ν_{IF} Δτ) − Φ_V − Φ_{LO}) (2.25)

When the two sidebands are superposed, we can just sum the USB and LSB outputs, which yields (after usual re-arrangement of the cosine expressions)

DSB r = 2A_o|V | cos(2π(ν_{LO}τ_G − Φ_V − Φ_{LO})) cos(2πν_{IF} Δτ) (2.26)

This shows that the amplitude is modulated by the delay tracking error. The tolerance can be exceedingly small. For example, at Plateau de Bure, the IF frequency ν_{IF} is 3 GHz, and a 1 % loss is obtained as soon as the delay tracking error would be 7.5 picoseconds, i.e. a geometrical shift of 2.2 mm only. Due

2.4. FRINGE STOPPING AND COMPLEX CORRELATOR 21

to Earth rotation, the geometrical delay changes by such an amount in 0.1 s for a 300 m baseline. Hence, delay tracking would have to be done quite fast to avoid sensitivity losses. To avoid this problem, it is common to use sideband separation. The delay tracking error should then be kept small compared to the bandwidth of each spectral channel, Δτ_G << 1/Δν, and the delay can then be adjusted much less frequently.

2.4 Fringe Stopping and Complex Correlator

With the Earth rotation, the cosine term of Eq.2.22 modulates the correlator output quasi-sinusoidaly with a natural fringe rate of ν_{LO}dτ_g /dt ≃ Ω_{earth}bν_{LO}/c (2.27) which is of order of 10 Hz for b= 300 m baselines and ν_{LO} = 100 GHz. Note that the fringe rate only depends on the effective angular resolution (bν_{LO}/c ≃ b/λ is the angular resolution, 2^{′′} in the above example).

The fringe rate is somewhat too high for simple digital sampling of the visibility. An exception is VLBI (because there is no other choice), although the resolutions are < 1 mas. The usual technique is to modulate the phase of the local oscillator Φ_{LO} such that Φ_{LO}(t) = 2πν_{LO}τ_g (t) at any given time. Then Eq.2.25 is reduced to

r_r = A_o|V |cos(±2πν_{IF} Δτ − Φ_V ) (2.28)

(with the + sign for USB conversion, and the – sign for LSB conversion), is a slowly varying output, which would be constant for a point source at the reference position (or delay tracking center). This process is called Fringe Stopping, since it stops the fringe pattern modulation. After fringe stopping, we can no longer measure the amplitude |V | and the phase Φ_V separately, since r_r is now a constant for a point source. A modulation of the delay tracking could be used to separate |V | and Φ_V . Instead, it is more convenient and effective to use a second correlator, with one signal phase shifted by π/2. Its output is

r_i = A_o|V |sin(±2πν_{IF} Δτ − Φ_V ) (2.29)

With both correlators, we measure directly the real r_r and imaginary r_i parts of the complex visibility r. The device is thus called a “complex” correlator.

Note: From Eq.2.28, a delay tracking error Δτ appears as a phase slope as a function of frequency, with

Φ(ν_{IF} ) = ±2πν_{IF} Δτ (2.30)

2.5 Fourier Transform and Related Approximations

The Complex Visibility is V = |V |e^{iΦV} = ∫ Sky A(σ)I(σ)e^{(−2iπνb.σ/c)}dΩ (2.31) Let (u, v, w) be the coordinate of the baseline vector, in units of the observing wavelength ν, in a frame of the delay tracking vector s_0, with w along s_0. (x, y, z) are the coordinates of the source vector s in this frame. Then νb.s/c = ux + vy + wz νb.s_0/c = w z = √ 1 − x^2 − y^2

and dΩ = dxdy z = dxdy √ 1 − x^2 − y^2

(2.32)

Thus, V (u, v, w) = ∫_{+∞} −∞ ∫_{+∞} −∞ A(x, y)I(x, y)e^{−2iπ(ux+vy+w(} √_{1−x2−y2−1))} dxdy √ 1 − x^2 − y^2

(2.33)

with I(x, y) = 0 when x^2 + y^2 ≥ 1.

If (x, y) are sufficiently small, we can make the approximation ( √ 1 − x^2 − y^2 − 1)w ≃ 1 2 (x^2 + y^2)w ≃ 0 (2.34)

and Eq.2.33 becomes V (u, v) = ∫ ∫ A^′(x, y)I(x, y)e^{−2iπ(ux+vy)}e^{−iπ(x2+y2)w}dxdy (2.35) with A^′(x, y) = A(x, y) √ 1 − x^2 − y^2

(2.36)

i.e. basically a 2-D Fourier Transform of AI, but with a phase error term π(x^2 + y^2)w. Hence, on limited field of views, the relationship between the sky brightness (multiplied by the antenna power pattern) and the visibility reduces to a simple 2-D Fourier transform.

There are other approximations related to field of view limitations. Let us quantify these approximations.

• 2-D Fourier Transform

We can further neglect the phase error term in Eq.2.36, if the condition

|π(x^2 + y^2)w| << 1 (2.37)

is fulfilled. Now, note that

w < w_{max} ≃ b_{max} λ ≃ 1 θ_s

(2.38)

where θ_s is the synthesized beam width. Thus, if θ_f is the field of view to be synthesized, the maximum phase error, obtained at the field edges θ_f /2, is

Δϕ = πθ^2_f 4θ_s

(2.39)

Using Δϕ < 0.1 radian (6^∘) as an upper limit (note that this is the maximum phase error, i.e. the mean phase error is much smaller) result in the condition (with all angles in radian...):

θ_f < 1 3 √ θ_s (2.40)

• Bandwidth Smearing

Assume u, v are computed for the center frequency ν_0. At frequency ν_0, we have V (u, v) ⇀↽ AI(x, y) (2.41) The similarity theorem on Fourier pairs give V ( ν_0 ν u, ν_0 ν v) = ( ν ν_0

)^2I( ν ν_0 x, ν ν_0 y) (2.42)

Averaging over the bandwidth Δν, there is a radial smearing equal to ∼ Δν ν_0 √ x^2 + y^2 (2.43)

2.6. ARRAY GEOMETRY & BASELINE MEASUREMENTS 23

Config. Resolution Frequency 2-D 0.5 GHz 1 Min Time Primary (GHz) Field Bandwidth Averaging Beam Compact 5^{′′} 80 GHz 5^′ 80^{′′} 2^′ 60^{′′} Standard 2^{′′} 80 GHz 3.5^′ 30^{′′} 45^{′′} 60^{′′} Standard 2^{′′} 220 GHz 3.5^′ 1.5^′ 45^{′′} 24^{′′} High 0.5^{′′} 230 GHz 1.7^′ 22^{′′} 12^{′′} 24^{′′}

Table 2.1: Field of view limitations as function of angular resolution and observing frequency for the Plateau de Bure interferometer.

and hence the constraint √ x^2 + y^2 ≤ 0.1 θ_sν_0 Δν (2.44)

if we want that smearing to be less than 10% of the synthesized beam.

• Time Averaging

Assume for simplicity that the interferometer observes the Celestial Pole. The baselines cover a sector of angular width Ω_eΔt, where Ω_e is the Earth rotation speed, and Δt the integration time. The smearing is circumferential and of magnitude Ω_eΔt √ x^2 + y^2, hence the constraint √ x^2 + y^2 ≤ 0.1 θ_s Ω_eΔt

(2.45)

For other declinations, the smearing is no longer rotational, but of similar magnitude.

To better fix the importance of such approximations, the relevant values for the Plateau de Bure interferometer are given in Table 2.1. Note that these fields of view correspond to a maximum phase error of 6^∘ only, or to a (one dimensional) distortion of a tenth of the synthesized beam, and thus are not strict limits. In particular, atmospheric errors often results in larger errors (which are independent of the field of view, however).

2.6 Array Geometry & Baseline Measurements

The uv coverage

Using a Cartesian coordinate system (X, Y, Z) with Z towards the pole, X towards the meridian, and Y towards East, the conversion matrix to u, v, w is u v w = 1 λ sin(h) cos(h) 0 − sin(δ) cos(h) sin(δ) cos(h) cos(δ) cos(δ) cos(h) − cos(δ) sin(h) sin(δ) X Y Z (2.46)

where h, δ are the hour angle and declination of the phase tracking center. Eliminating h from Eq.2.46 gives the equation of an ellipse:

u^2 + ( v − (Z/λ) cos(δ) sin(δ)

)_2 = X^2 + Y^2 λ^2

(2.47)

The uv coverage is an ensemble of such ellipses. The choice of antenna configurations is made to cover the uv plane as much as possible.

Baseline measurement

Assume there is a small baseline error, (ΔX, ΔY, ΔZ). The phase error is

Δϕ = 2π λ Δb.s_0 (2.48)

= cos(δ) cos(h)ΔX − cos(δ) sin(h)ΔY + sin(δ)ΔZ (2.49)

Hence, if we observe N sources, we have for each source

ϕ_k = ϕ_0 + cos(δ_k) cos(h_k)ΔX − cos(δ_k) sin(h_k)ΔY + sin(δ_k)ΔZ (2.50)

i.e. a linear system in (ΔX, ΔY, ΔZ), with N equations and 4 unknown (including the arbitrary phase ϕ_0). This can be used to determine the baselines from phases measured on a set of sources with known positions h_k, δ_k.

From the shape of Eq.2.49, one can see that the determination of ΔX, ΔY requires large variations in h, preferably at declination δ ∼ 0, while that of ΔZ requires large variations in δ. However, ϕ_k in Eq.2.50 is multi-valued (the 2π ambiguity...). Retaining the function in the [−π, π[ interval only, the system to solve is in fact

mod(ϕ_0 + cos(δ_k) cos(h_k)ΔX − cos(δ_k) sin(h_k)ΔY + sin(δ_k)ΔZ − ϕ_k + π, 2π) − π = 0 (2.51)

which is a linear system of equations only if ΔX, ΔY, ΔZ are small enough so that the shifted modulo function is the identity. Baseline determination usually proceeds through a “brute force” technique, by making a grid search (with π phase steps) around the most likely values for X, Y, Z.

Chapter 3

Millimetre Very Long Baseline Interferometry

Albert Greve

greve@iram.fr

IRAM, 300 rue de la Piscine, F-38406 Saint Martin d’Hères, France

Millimeter–Wavelength Very Long Baseline Interferometry is interferometry at millimeter wavelengths (3.5 – 1.3 mm: 86 GHz – 230 GHz) with disconnected telescopes using the longest baselines on Earth (1 000 – 10 000 km) in order to achieve the highest angular resolution (0.01 – 0.00005^{′′}). The disconnected telescopes need special time/frequency references provided by the observatory–own Hydrogen–masers, synchronized to GPS time signals. The observations are recorded on tape for correlation at special correlator stations. The correlation gives visibility tables. mm–VLBI sees only sources which emit non–thermal radiation at brightness temperatures of T_B ≈ 10^9 – 10^{12} K. These sources represent the ’hot’ and energetic component of the Universe, for instance masers and quasars.

3.1 Introduction

Throughout the universe, the common astronomical objects – stars, stellar clusters, molecular clouds, galaxies, AGNs, QSOs, clusters of galaxies – have typical linear dimensions, and only seldom span a factor of 10 to 100 in scale. The more distant the objects, the smaller therefore their apparent angular size, and hence a higher angular resolution and larger collecting area of a telescope is required to distinguish significant structural detail at a significant level of detection. According to a fundamental optics principle, the angular resolution Θ of a full aperture telescope (optical or radio) of diameter D, or of an interferometer consisting of several connected or disconnected telescopes of longest baseline separation B, observing at the wavelength λ, is

Θ ∝ λ/DorΘ ∝ λ/B[rad] (3.1)

If, therefore, the telescope or the baseline has a diameter/length of D = B = n λ, the resolution is

Θ ∝ λ/D ∝ λ/B ∝ 1/n (3.2) In words, the larger the number (n) of wavelengths spanned by the diameter/baseline the higher is the angular resolution. From these relations it is evident that a high angular resolution is obtained by using short wavelengths (for instance millimeters instead of centimeters), and/or large telescopes, and/or long baselines ([inter]continental distances instead of kilometers). In order to obtain a resolution of Θ = 1^{′′} [the seeing limit at optical wavelengths set by the turbulence of the Earth’s atmosphere], the size of the telescope or interferometer baseline must be

D[1^{′′}] = B[1^{′′}] ≈ 2 × 10^5, λ (3.3)

which is D[1^{′′}] = B[1^{′′}] = 600 m at λ = 3 mm (100 GHz). To be comparable in resolution with the HST of Θ ≈ 10^{−2} × 1^{′′} = 0.01^{′′}, a telescope/baseline of D = B = 60 km at λ = 3 mm is required. To obtain however a resolution of Θ = 10^{−2}×10^{−2}×1^{′′} = 0.0001^{′′} = 0.1 mas at mm–wavelengths it is evident that the telescope must have Earth dimensions. Such a ’telescope’ can only be an interferometer of some sort, of which the telescopes are disconnected and located across a continent, or on different continents, or on different continents and in Space.

The image quality of a mm–VLBI array depends on the available uv–coverage. However, mm–VLBI telescopes cannot be displaced, they are arranged in the given configuration of the observatory sites (see Fig. 3.1), and uv–coverage is only obtained by Earth rotation. The sensitivity of a mm–VLBI array depends on the collecting area and the precision (aperture efficiency) of the participating telescopes.

Very long baseline interferometry, on baseline dimensions of the Earth’s diameter and satellite orbits, requires special techniques to record in–phase the different segments of a wavefront emitted by a source and being received by the individual telescopes of the array. This in–phase recording is achieved by locking the oscillators of the receiver and tape recorder unit to a very precise observatory time standard (Hydrogen–maser), which in turn is synchronized to an ’outside clock’, available at all stations. This outside clock is provided by time signals of the Global Positioning System (GPS).

3.2 mm–VLBI Arrays

The wet atmosphere, even at high altitudes, has transmission windows at ∼ 3 mm (∼ 100 GHz), ∼ 2 mm (∼ 150 GHz), ∼ 1.3 mm (∼ 230 GHz), and at shorter wavelengths, through which radio signals can propagate to the surface of the Earth. The observing facilities of mm–VLBI, summarized in Table 3.1, make use of these atmospheric windows.

The remark ’Proposal’ in Table 3.1 indicates that the array is available to observers on a competitive proposal basis. The 2–mm and 1.3–mm observations are in an experimental state. The mentioned 1.3– mm observations were experimental, and successful.

3.2.1 The CMVA Array

The CMVA (Coordinated Millimeter VLBI–)array contains the telescopes of 12 observatories which operate together in coordinated observations for approximately 15 days per year. The telescopes are located in North–America, Europe, and Chile. The performances of the telescopes at 86 GHz (3.5 mm) are given in Table 3.2, the location of the telescopes is shown in Figure 3.1. The European telescopes of the CMVA are located essentially in the direction North–South, the American telescopes are located essentially in the

3.2. MM–VLBI ARRAYS 27

Table 3.1: mm–VLBI Arrays and Experimental Observations Frequency (Wavel.) Array Telescopes Baseline Observing

86 GHz (3.5 mm) CMVA Table 2 ∼ 8 000 km Proposal 86 GHz (3.5 mm) VLBA(*) Table 3 ∼ 8 000 km Proposal 150 GHz (2.0 mm) — PV–KP–SEST experim. 230 GHz (1.3 mm) – OVRO–KP ∼ 500 km experim. (**) – PV–PdBure ∼ 1000 km experim. (***) PV: Pico Veleta (Spain), KP: Kitt Peak (USA), OVRO: Owens Valley Obs. (USA), SEST: La Silla (Chile). (*) sub–array of the VLBA array (Table 3.3); (**) [Padin et al. 1990]; (***) [Greve et al. 1995], [Krichbaum et al. 1998]

Figure 3.1: Observatories participating in cm and mm–wavelength VLBI. The mm–VLBI observatories of the CMVA (Table 3.2) are concentrated in Western Europe and North America. From [Felli & Spencer 1989], Schilizzi p404, with kind permission from Kluwer Academic Publishers.

Figure 3.2: Illustration of the low elevation visibility (E_1, E_2) of the QSO 3C 273 (RA: 12^h 29^m, Dec: 2^o 3^′, 1950). The lower part of the figure shows the relative elevation of 3C 273 at Pico Veleta (Spain; LST: local siderial time reference), SEST (Chile), Kitt Peak (USA), and Ownes Valley (USA). The mutual visibility is given by the overlap areas of the individual curves.

3.3. AVAILABLE RESOLUTION 29

Table 3.2: The Coordinated Millimeter VLBI Array = CMVA (86 GHz) Telescope Country D T_{sys} Gain η_A Altitude [m] [K] [K/Jy] [m] CMVA Effelsberg Germany 60 350 0.13 0.13 ∼ 0 Haystack USA 37 200 0.058 0.15 ∼ 0 Pico Veleta Spain 30 150 0.14 0.60 3000 Onsala Sweden 20 250 0.056 0.49 ∼ 0 SEST Chile 15 300 0.032 0.50 2500 Amherst USA 14 300 0.024 0.43 ∼ 0 Metsähovi Finland 14 300 0.017 0.30 ∼ 0 (Kitt Peak(*) USA 12 150 0.023 0.56) 2000 Owens Valley USA 4×10.4 300 0.067 0.55 1500 Hat Creek USA 7×6.1 300 0.050 0.65 1000 Expected P. de Bure France 6×15 150 0.045 0.7 2500 GBT USA [100] ∼ 0 LMT Mex(–USA) 50 4600 Yebes Spain 40 500 ALMA Chile 64×12 (70) (0.03) (0.8) 5000 (*) out of operation since July 2000.

direction East–West. As applied in other interferometers, the CMVA array uses Earth rotation to obtain uv–coverage. Some of the strong mm–VLBI sources (3C 273, 3C 279), which are regularly monitored (see Figure 3.9), are located at low declination (Dec = 2^o, – 5^o) so that they can be simultaneously observed only at low local elevations, as illustrated in Figure 3.2 for 3C 273 and the stations Pico Veleta – SEST – Kitt Peak – Owens Valley. The low elevation usually implies a high line–of–sight system temperature (T_{sys}), thus a low signal–to–noise ratio, and thus a low detection sensitivity (Sect.3.5). The low elevation implies also that the uv–coverage may be incomplete, the synthesized beam asymmetric, and the final map distorted.

Table 3.2 contains also several telescopes expected to be available in future. These are telescopes with large collecting areas; the dedicated mm–wavelength telescopes (PdB, LMT, ALMA) are located at high altitudes.

3.2.2 The VLBA Array

The VLBA (Very Long Baseline–)array, which consists of 10 dedicated 25–m diameter telescopes (Table 3.3, Figure 3.3), is located on the North–American continent, including one antenna on Hawaii. This array observes routinely at 43 GHz. The array is being upgraded for observations at 86 GHz (3.5 mm); a sub– array (+) is available for 86 GHz VLBI observations. Some of these telescopes collaborate in CMVA observations.

3.3 Available Resolution

Table 3.4 gives an overview of the angular resolution available from the Plateau de Bure interferometer and the CMVA–VLBA mm–wavelength VLBI–arrays (USA + Europe). The table gives for comparison the parameters of the Pico Veleta 30–m telescope (Spain). The table gives also the linear scale corresponding to the angular resolution Θ for a source located at 50 Million pc distance.

Figure 3.3: The VLBA array (Table 3.3) (from [Zensus et al. 1995]).

Table 3.3: The VLBA Array [10×25 m antennas] (partially operating at 86 GHz) Code Location (USA) Elevation (m) SC St. Croix VI 16 HN Hancock NH 309 + NL N. Liberty IA 241 + FD Ford Davis TX 1616 + LA Los Alamos NM 1967 + PT Pie Town NM 2371 + KP Kitt Peak AZ 1916 + OV Owens Valley CA 1207

BR Brewster WA 255 + MK Mauna Kea HI 3720

Table 3.4: Diameter (D), Baselines (B), Resolution (Θ), Linear Scale Diameter/ Telescopes λ = 3.5 mm λ = 3.5 mm Linear Scale Baseline B/λ Θ at 50 Mpc D = 0.03 km 30–m PV 8×10^3 24^{′′} 6000 pc (Single Dish) B = 0.3 km PdB 8×10^4 2.4^{′′} 600 pc (Interferom.)

B = 1 500 km PV – PdB 4×10^8 0.0005^{′′} 0.1 pc (VLBI) B = 8 000 km CMVA/VLBA 2×10^9 0.000 09^{′′} 0.02 pc (VLBI)

3.4. POLARIZATION OBSERVATIONS 31

Table 3.5: Polarization Possibilities (LCP, RCP) Telescope Polarization Bandwidth (number of channels, 4 MHz) Effelsberg 14 LCP 122 MHz LCP Onsala 14 LCP 122 MHz LCP + Pico Veleta 7 LCP / 7 RCP 56 MHz LCP / 56 MHz RCP + Haystack 7 LCP / 7 RCP 56 MHz LCP / 56 MHz RCP Amherst 14 LCP 122 MHz LCP + Pietown 4 LCP / 4 RCP 28 MHz LCP / 28 MHz RCP + BIMA 7 LCP / 7 RCP 56 MHz LCP / 56 MHz RCP

3.4 Polarization Observations

The continuum radiation of Quasars (QSO) and the line radiation of SiO masers is polarized, in single dish and interferometer observations from a few percent to ∼ 10% for QSO’s, and up to ∼ 70 – 80 % for the individual components of SiO masers. VLBI observations are normally made at Left Hand–Circular Polarization (LCP = L) in order to eliminate amplitude modulations of a polarized source due to hour angle variations. For polarization observations, measurements are made at LCP and RCP (right hand– circular, R) polarization. The Stokes parameters I,Q,U,V, describing the polarization, and the complex correlations RR, LL, RL, LR are related by RR = I + V; LL = I – V; RL = Q + iU; and LR = Q – iU ([Kemball et al. 1995]).

Table 3.5 summarizes the possibility of VLBI polarization observations (status 2000) at 86 GHz. The BIMA (Hat Creek) interferometer can be phased and split into 3 antennas LCP and 3 antennas RCP; this will eventually also be possible with the PdB interferometer.

Polarization observations at 86 GHz of QSO’s are so far without convincing success, mainly because of their low degree of polarization; VLBI polarization observations at 86 GHz of SiO masers are in progress.

3.5 The Feasibility of mm–VLBI: Signal–to–Noise Ratio and Detections

The operation and sensitivity, and the present situation and future wishes of mm–VLBI are easily explained from a discussion of the relation expressing the signal–to–noise ratio of an observation with a two–telescope VLBI interferometer. An unresolved source with a size comparable or smaller than the synthesized beamwidth (Θ), measured with both telescopes (1,2), is considered to be detected if the signal–to–noise ratio (SNR) of the observation is ∼ 7 or higher, i.e. 7 ≤ SNR. The relation of the SNR is ([Rogers et al. 1984]) SNR = L √ η_1A_1η_2A_2/(T_{1,sys}T_{2,sys}) × 2τΔν × (F/2k) (3.4)

SNR = L(π/4)D_1D_2 √ (η_1η_2/(T_{1,sys}T_{2,sys}) × 2τΔν × (F/2k) (3.5) with A the geometrical area = π(D/2)^2 and D the diameter of the telescope (Tables 3.2 & 3.3); η the aperture efficiency (Table 3.2); ηA the effective collecting area; T_{sys} the system temperature (Table 3.2); Δν the bandwidth (112 MHz for MkIII); τ the integration time; F the correlated flux density; k the Boltzmann constant; and L the correlator efficiency (≈ 2/π for a 2–level quantization).

From this relation we note that:

• the incorporation of a large–diameter high–precision telescope significantly improves the performance of a mm–VLBI array. If an array of two telescopes of diameter D_1 = D_2 = 15 m and efficiency η_1 = η_2 = 0.3

Table 3.6: SNR for 86 GHz (3.5 mm) Observations: Pico Veleta – Haystack (∼ 6000 km) Source S(86 GHz) [Jy] SNR (single dish) (VLBI) 3C 273 25 182–203 3C 279 20 163 3C 345 5.5 6–13 NRAO530 6.5 21–81 1749+096 3.0 21–43 1823+568 2.8 35–43 2145+067 4.5 5–19 3C 454.3 10 78–66 Results obtained at 215 GHz (1.3 mm) on the ∼ 1000 km baseline Pico Veleta – PdB are given in Table 3.7 ([Krichbaum et al. 1998]).

performs at the signal–to–noise ratio SNR(2×15m), the replacement of one telescope by, for instance, the IRAM 30–m telescope with D_2 = 2 D_1 = 30 m and η_2 = 2η_1 = 0.6 improves the signal–to–noise ratio by SNR(15m & 30m) = 2 × SNR(2×15m): the array has a 2 times higher sensitivity. It is evident that the future incorporation of the PdB interferometer, the LMT, and ALMA (Table 3.2) will greatly improve the sensitivity of mm–VLBI.

• for observations at mm–wavelengths the location of a telescope at 2000 – 3000 m altitude generally reduces T_{sys} because of the lower amount of atmospheric water vapour, i.e. T_{sys}(high site) ≈ (1/3)×T_{sys}(low site) ≈ (1/3)×(300 – 500) K ≈ 150 K. The lower value of T_{sys} increases the SNR by a factor of 2, or more. Such a decrease of the line–of–sight T_{sys} is especially important for intercontinental/transatlantic baselines where the sources are usually observed at low local elevations (Figure 3.3). Table 3.2 shows that several telescopes of the CMVA array unfortunately are located at low altitudes. Again, the incorporation of PdB Interferometer (2500 m), the LMT (4600 m), and ALMA (5000 m) will greatly improve the sensitivity of mm–VLBI.

• for continuum observations, the foreseen increase in bandwidth of presently Δν = 112 MHz by a factor of two, or more (MkIV), will increase the sensitivity of mm–VLBI by a factor of 1.5, or more.

• the integration time τ is usually limited by the stability of the Hydrogen–maser to values τ(100 GHz) ≈ 1000 s and τ(230 GHz) ≈ 100 s (Sect.3.6). Often however, the integration time is shorter, τ(100 GHz) ≈ 100–200 s and τ(230 GHz) ≈ 10–20 s, because of phase disturbances introduced by atmospheric water vapour fluctuations. Segmented correlations and atmospheric phase corrections increase the sensitivity of mm–VLBI.

• the SNR is proportional to the correlated (unresolved) flux density (F) of the source. At mm–wavelengths it is found that the correlated flux density is often significantly smaller than the total flux density (S) measured with a single dish telescope. It is found, globally, that F ≈ (1/3 – 1/5)×S. As example, for 3C 273 it is observed that S(86 GHz) ≈ 20 Jy while F(86 GHz) ≈ 4 Jy, and S(230 GHz) ≈ 10 Jy while F(230 GHz) ≈ 2 Jy. The presently available CMVA array has sufficient sensitivity to detect sources of total flux density S ≤ 2 – 3 Jy.

To illustrate the present situation and possibilities of mm–VLBI, Table 3.6 summarizes the SNR of detections at 86 GHz measured on the baseline Pico Veleta (Spain) – Haystack (USA) ([Krichbaum et al. 1994]; [Beasley et al. 1995]).

Figure 3.4: Disconnected two–telescope VLBI array; one telescope is located in Europe, the other one is located in the USA. At both observatories, the local oscillators (LO_1, LO_2), the sampler, and the tape unit are locked to the observatory H–maser, synchronized to the satellite GPS time signal. The observations are correlated either at Haystack or Bonn; here the delays and Doppler shifts are introduced.

Table 3.7: SNR for 215 GHz (1.3 mm) Observations: Pico Veleta – Bure (∼ 1000 km) Source z S(215 GHz) [Jy] SNR F(215 GHz) [Jy] (single dish) (VLBI) (VLBI) 4C 39.25 0.69 3.5±0.7 < 4 < 0.5 3C 273 0.16 9.2±0.6 7 0.4–0.7 3C 279 0.54 11.0±1.0 35 3–3.8 1334–127 0.54 3.1±0.7 12 0.5–1.1 3C 345 0.59 3.0±0.4 6 ≤ 0.4 NRAO530 6.2±0.5 11 0.5–0.8

Sgr A^∗ 4.1±0.5 6 0.5–0.9

Figure 3.5: Allan standard deviation vs. integrated time for several frequency standards. The phase fluctuations of mm–VLBI are usually dominated by atmospheric phase fluctuations. From [Thompson et al. 1986]. Copyright: @1986 Wiley-Interscience Publications. Reprinted by permission of John Wiley & Sons, Inc.

Figure 3.6: Typical H–maser drift measured at Pico Veleta (by courtesy of J. Penalver, IRAM).

3.6 From observations to correlations, step by step

3.6.1 Observing Techniques

A 2–telescope disconnected mm–VLBI array and the (far away) correlator station are shown in Figure 3.4. mm–VLBI observations are made with telescopes separated by several hundreds or thousands of kilometers not sharing a common time/frequency reference as used in connected interferometry. At each VLBI– telescope therefore the receivers, frequency down–up converters, tape recorders, phase–calibration systems etc. are locked to a Hydrogen–maser which has a typical short–term stability of ∼ 10^{−15} and a typical drift of a few 10 nano–seconds per day, or smaller, as shown in Figures 3.5 & 3.6. The VLBI time/frequency systems of the individual telescopes are locked to the GPS system which gives an absolute time reference at the participating telescopes of a few hundred nano–seconds, or better. This time difference must be retrieved a posteriori in the data correlation.

mm–VLBI observations are made at a fixed frequency, preferably at Single–Side–Band tuning in order to reduce noise from the non–used sideband. Fringe rotation and Doppler shifts are introduced a posteriori at the correlator.

3.6.2 Data Recording

In VLBI observations, the telescopes are disconnected and real–time correlation of the signals from the individual telescopes is not possible. At each telescope, the signals are recorded on tape synchronous with the time signal provided by the Hydrogen–maser. In MkIII mode observations, the data are available as 28 channels of 4 MHz bandwidth each; the bandwidth of the recording is Δν = 28×4 MHz = 112 MHz. The 28 tracks are recorded simultaneously on magnetic tape. The required bitrate of the recording is

bits/s = 2n_cΔν (3.6) For Δν = 112 MHz and a sampling efficiency n_c ≈ 1 – 1.6, the bitrate recorded on tape is ∼ 224 Megabites/s.

mm–VLBI is being upgraded to 256 MHz bandwidth, and more (MkIV).

3.6.3 Correlation Time

The short–term frequency stability (up to a few 1000 s, see Figure 3.5) of a Hydrogen–maser is ∼ 10^{−15}. There are long–term drifts which can be checked against GPS signals (see Figure 3.6) and adjusted so that they are below, say, ten nano–seconds per day. The maximum possible integration time (τ) of an observation is set by the requirement that the relative frequency drift Δν must not exceed, say, Δν ≈ 0.2 radians. The integration time then is ([Kellerman & Thompson 1985])

Δν/(2πντ) ≈ 0.2/(2πντ) ≈ 10^{−15} (3.7)

This relation gives τ(86 GHz) ≈ 350 s ≈ 5 minutes and τ(230 GHz) ≈ 150 s ≈ 2 minutes.

3.6.4 Phase Correction

Because of phase variations introduced by atmospheric water vapour fluctuations, the correlation time τ derived above can be significantly shorter, τ ≈ 10 – 30 s, especially when observing at high frequencies. Because of the scarcity of strong mm–wavelength VLBI sources at sufficiently close distances in the sky, phase referencing as used in connected mm–wavelength interferometry (for instance used on PdB) has not yet generally been applied in mm–VLBI. Efforts are however undertaken to apply phase corrections from local line–of–sight water vapour measurements (sky emission measurements). As an example, the phase stability of a 86 GHz and 215 GHz measurement between Pico Veleta and Plateau de Bure is shown in Fig.3.7. A typical atmosphere–induced phase variation and phase correction applied to 86 GHz VLBI measurements made at Pico Veleta is shown in Figure 3.8.

Figure 3.7: VLBI at 215 GHz and 86 GHz between Pico Veleta and Plateau de Bure (1994). The 6.5 minute records show amplitude and phase stability for 3C 279 at 215 GHz (upper panel) and 2145+067 at 86 GHz (lower panel).

3.6.5 Correlation

The recorded mm–wavelength VLBI data are correlated at Haystack (USA) or at Bonn (Germany). The end–product of the correlation are calibrated visibility values (uv–tables) which can be used in the same way as data, for instance, obtained with the PdB interferometer.

3.7 The observable sources with mm–VLBI

3.7.1 Which Kind of sources can we observe

Mm–VLBI sees non–thermal sources emitting, for instance, maser or synchrotron radiation at a high brightness temperature (T_B). The associated astronomical sources are, for instance, masers (SiO) and AGNs and QSOs with jets. mm–VLBI is insensitive to the cold component of the Universe like molecular clouds and other thermal sources. The cold component is observed with interferometers like the Plateau de Bure instrument.

The correlated flux density F of a source with brightness temperature T_B, subtending the solid angle Ω in the sky, is

F = (2k/λ^2)T_B Ω (3.8)

The correlated flux density ΔF observable within the bandwidth Δν and integration time τ is

ΔF = (2k/A_{ef f} )T_{sys,ef f} / √ 2τΔν (3.9)

with A_{eff} = √ η_1A_1η_2A_2 the effective surface area of telescope 1 & 2 and T_{sys,eff} = √ T_{1,sys}T_{2,sys} the effective system temperature. To arrive at a numerical value of T_B let us assume that we want to detect the source with an accuracy of ΔF ≈ ϵ F, where 0 < ϵ < 1. We assume furthermore that the source is unresolved and small and has a size comparable to the VLBI array resolution, hence Ω ≈ (λ/B)^2. Using these relations we obtain

T_B ≈ T_{sys,ef f} B^2/(ϵA √ 2τΔν) (3.10)

A mm–VLBI array of two telescopes of 15–m diameter, observing at a system temperature T_{sys,eff} = 200 K, a bandwidth of Δν = 112 MHz, and an integration time limited by the system and atmospheric phase stability to τ ≈ 100 s, can only detect sources which have brightness temperatures of T_B ≈ 10^9 – 10^{12} K.

3.7.2 The field of view

Evidently, a mm–VLBI array of 8000 – 10 000 km baseline has only a limited field of view (θ_{fov}). Since a disconnected mm–VLBI array does not directly track phase, an estimate of the field of view is obtained by noting that the delay τ between two antennas (see Figure 3.4) separated by the baseline B and observing in the direction θ

τ = (B/c) cos θ (3.11)

and that the delay difference Δτ for a small angular displacement Δθ from the main direction of observation is Δτ = −(B/c) sin θ)Δθ (3.12)

3.7. THE OBSERVABLE SOURCES WITH MM–VLBI 39

Figure 3.8: mm–VLBI phase correction at 86 GHz. The upper panel shows the phase variation measured on the baseline Pico Veleta – Onsala. The center panel shows the contribution of the phase variation predicted for Pico Veleta from atmopsheric water vapour measurements (200 GHz line–of–sight sky emission). The lower panel shows the improvement in phase stability when the predicted phase fluctuations are taken into account (by courtesy of M. Bremer, IRAM, A. Roy and D. Graham, MPIfR).

with c the velocity of light. Since delay corrections are only made in the correlator, the field of view is restricted to directions in which delay smearing (Δτ) does not exceed, approximately, Δτ ≤ 1/(2 Δν). Using this criterion, the field of view is θ_{f ov} ≈ λ/B(ν/Δν) (3.13) For ν = 86 GHz, Δν = 112 MHz (MkIII), and B = 10 000 km we obtain θ_{fov} ≈ 0.05 – 0.02^{′′} ≡ 50 – 20 mas.

3.7.3 An example: mm–VLBI Observations of QSO 3C 273

Fig.3.9 shows observations of the Quasar 3C 273 at 22 GHz (top), 43 GHz (center), and 86 GHz (bottom), performed nearly at the same epochs of 1995.15 (22 and 43 GHz) and 1995.18 (86 GHz). Contour levels in all maps are (–0.5,) 0.5, 1, 2, 5, 10, 15, 30, 50, 70, and 90 % of the peak flux density of 3.0 Jy/beam (top), 5.4 Jy/ (center), and 4.7 Jy/beam (bottom). All maps are restored with the same beam of size of 0.4 x 0.15 mas, oriented at pa = 0^o. The maps are arbitrarily centered on the eastern component (the core); the dashed lines guide the eye and help to identify corresponding jet components in the three maps.

Figure 3.9: VLBI observations of QSO 3C 273 at 22 GHz (1.3 cm) [top], 43 GHz (7.0 mm) [center], and 86 GHz (3.5 mm) [bottom]. The 86 GHz map is obtained from observations with the CMVA array (by courtesy of T. Krichbaum, MPIfR).

Chapter 4

Introduction to Optical/Near-Infrared Interferometry

Fabien Malbet

Fabien.Malbet@obs.ujf-grenoble.fr

LAOG, BP 53, F-38041 Grenoble Cedex 09, France

4.1 Introduction

This chapter is focused on optical (i.e. visible and infrared) interferometry with in mind the comparison of this technique with radio interferometry developed in the other chapters of this book. The objective is to give some keys to understand how optical interferometers works. I present first a small history of optical interferometry followed by a census of interferometers in operation or in construction (Sect. 4.1). Section 4.2 discusses the common points and main differences between optical and radio interferometry at millimeter wavelengths. Then I describe how an optical interferometer works (Sect. 4.3) at the system level and at the signal detection level (Sect. 4.4). Finally I present in Sect. 4.5 the main limitations that optical interferometry faces like the atmospheric turbulence and other sources of noise in the measured signal.

4.1.1 Brief history of optical interferometry

Stellar interferometry has been first proposed by Fizeau in 1868. At that time, the phenomenon of light interference is already well studied and the physicists know that the contrast of the fringes depends on the geometry of the source. [Fizeau 1868] suggests to deduce the star diameter from the extinction of the fringe contrast with widely separated slits. [Stéphan.1873] installs a mask with two apertures on the 0.80-m telescope of the Marseille observatory to test Fizeau’s method. He detects fringes but the contrast of fringes do not decrease with the aperture distance. He concludes that stars must be smaller than 0.158 arcsec.

Figure 4.1: Michelson 20-foot interferometer installed on 100-in telescope at Mount Wilson.

Following his own work on the measurement of light speed, Michelson seems to have independently discovered optical interferometry in the 1890’s. In order to span a large range of baselines, he and Pease install a 20-foot metal beam above the 100-in telescope of Mount Wilson. Two mirrors inclined by 45 degrees send the light to the middle of the telescope where two other mirrors inject the light in the telescope. The interferometric fringes are formed at the focus of the telescope (see Fig. 4.1). By translating the outside mirrors, the baseline changes and therefore also the contrast of the fringes. In the 1920’s, [Michelson & Pease 1921] measure the first diameters of stars that required baselines longer than 3m. To extend these first results, Pease builds a stand-alone interferometer on a 50-foot metal beam, but fails in getting calibrated results because of the unexpected importance of mechanical flexures.

During almost 50 years, direct detection interferometry stalled. [Hanbury Brown & Twiss 1956] invented intensity interferometry which is limited to a small handset of bright sources. Interferometry had a new birth in the mid-1970’s with the advent of new technology: detectors, actuators, servo-control, etc. [Labeyrie 1975] was the first to directly combine the light from two separated telescopes in the optical range. Since that time several interferometers with relatively small apertures have been built and operated. A list of current and future interferometers is given in Table 4.1 and commented in next section.

In 1988, the heterodyne techniques used in the radio domain was first implemented in an operating interferometer at 10 μm by the Infrared Spatial Interferometer (ISI, [Danchi et al. 1988]).

4.1.2 Current and future optical interferometers

Current interferometers (see list in Table 4.1) are composed of relatively small telescopes, with diameters ranging between 15 centimeters to 1.5 meters. The number of telescopes used to combine the light is usually two, but if two facilities work routinely with 3 or more apertures (COAST and NPOI). The maximum baseline length ranges between a few meters up to several hundreds of meters (e.g. SUSI). Almost each interferometer has its own beam combination scheme (see Sect. 4.4.1). They work either in the visible (0.4 − 1 μm) or the infrared (1 − 10 μm) domains.

Each interferometer has been designed with one main astrophysical objective: synthetic aperture imaging (COAST, UK), high resolution spectroscopy in the visible (GI2T, France), high accuracy measurement in the near-infrared (IOTA, USA), high resolution spectroscopy in the thermal infrared (ISI, USA), wide angle astrometry (NPOI, USA), narrow angle astrometry and phase reference (PTI, USA), stellar astrophysics in the visible (SUSI, Australia). CHARA (USA), which obtained its first fringes at the end of 1999, aims at binary observations and synthetic aperture imaging.

The new generation consists of interferometers with very large telescopes: the VLTI with 4 × 8-m

4.2. OPTICAL VERSUS MILLIMETER RADIO INTERFEROMETRY 43

Table 4.1: List of ground-based optical interferometers in operation or in construction. Name Facility # tel. D(m) B (m) COAST Cambridge Optical Aperture Synthesis Telescope 5 0.4 20 GI2T Grand Interféromètre à 2 Télescopes 2 1.52 65 IOTA Infrared & Optical Telescope Array 2^∗ 0.4 38 ISI Infrared Spatial Interferometer 2^∗ 1.65 85^∗ NPOI Naval Prototype Optical Interferometer 3^∗ 0.12^∗ 35^∗ PTI Palomar Testbed Interferometer 3 0.4 110 SUSI Sidney University Stellar Interferometer 2 0.14 640 CHARA Center for High Angular Resolution Astrophysics 6 1 350 KI-main Keck Interferometer main array 2 10 60 KI-outriggers Keck Interferometer auxiliary array 4 1.8 140 VLTI/VIMA Very Large Telescope Interferometer main array 4 8 130 VLTI/VISA Very Large Telescope Interferometer sub-array 3 1.8 200 LBT Large Binocular Telescope 2 8.4 23

�_{upgrade in progress}

telescopes, the Keck Interferometer with 2 × 10-m telescopes and the LBT with two 8-m telescopes. Their main objective is the gain in flux sensitivity which will allow for the first time the study of extra-galactic sources. Both the VLTI and the Keck Interferometer are supplemented by auxiliary 1.8-m telescopes, that are still larger than the largest apertures in the previous generation of interferometers.

4.2 Optical versus millimeter radio interferometry

Optical and millimeter radio interferometry are essentially the same technique used in two different wavelength domains. Although they share the same fundamentals and the same objectives (see Sect. 4.2.1), their implementations can exhibit some significative differences (see Sect. 4.2.2). More details are given in Chap. 21.

4.2.1 Common issues

Both optical and millimeter interferometers study the coherence of the electric field by the mean of separated apertures, called telescopes, siderostats or antennas. The principle of these two techniques is based on the Zernike-Van Cittert theorem, i.e. the degree of coherence of the light is directly related to the Fourier transform of the spatial distribution of the intensity of the observed object [Goodman 1985].

By using separated apertures, both techniques achieve high angular resolution observation, with a resolution tens to hundreds of time larger than single aperture in the same wavelength domain. They therefore face similar difficulties, since they both used diluted arrays and have to find the best array configurations to reach their respective objectives. Similarly to millimeter radio interferometry, optical interferometry has also to calibrate the measured complex visibilities.

When optical interferometry will become as mature as millimeter interferometry, one will probably use very similar algorithm to reconstruct images from the calibrated visibilities.

4.2.2 Main differences

The differences come mainly from the wavelength domains: the typical optical wavelength is 1 μm, which corresponds to a frequency of 300 THz to be compared with the typical millimeter radio wavelength of 1 mm and the corresponding 300 GHz frequency.

The first consequence is the actual angular resolution that can be achieved, defined by the fringe spacing λ/B. The typical resolution reached in the optical domain is about 1 milli-arcsecond whereas in the millimeter domain, the Plateau de Bure Interferometer (PdBI) reaches about 1 arcsecond. ALMA with its extended baselines will be able to get 0.03 arcsecond but the information will still be 100 times less resolved than with optical interferometers.

A second difference comes from the type of detection and beam combination. In millimeter interferometry, the signal detection occurs at the antenna level thanks to the heterodyne technique. The signal is coupled with a reference signal of high coherence and therefore one records the amplitude and the phase of the coming electric field. The signals from each antenna are then digitized and the combination takes place in the correlator (see first chapters of this book). An electronic phase delay is applied to take into account the difference in path length between two arms. In the optical domain, the heterodyne technique has been successful at 10 μm [Gay & Journet 1973, Johnson et al. 1974]. This technique however happens to be not sensitive. That is why optical interferometry is usually achieved by direct detection of interferences. The light beams are propagated to a central lab, where the optical path is equalized and are combined to form interferences before being detected. Since the detection techniques measure only the power of the electric field, one has to code the fringes either temporally or spatially (see Sect. 4.4.2). Finally the two techniques give different types of interferences: respectively multiplicative and additive. The heterodyne technique directly gives access to the electric field ψ_k for each aperture and therefore the interference signal is multiplicative (see also Chapter 2 and 21).

The quadratic detection in the direct technique gives additive interferences:

I_{kl} =< (ψ_k + ψ_l)(ψ_k + ψ_l)^∗ >= I_k + I_l + 2 √ I_kI_l v_{kl} cos ϕ_{kl}, (4.1)

where < ... > stands for a temporal average over a time long compared to the inverse frequency of the signal, I_k is the intensity of the k-th beam, and v_{kl} and ϕ_{kl} are respectively the amplitude and phase of the normalized visibility. One of the consequences is a different type of calibration process, another is that visibility unit is Jansky in the millimeter domain, whereas in the optical domain it is dimension-less, i.e. flux normalized.

A third and important difference is the influence of the atmosphere. In the optical domain the dominant effect is the corrugation of the wavefront. The spatial Fried’s parameter, r_0, which corresponds to the spatial scale of the turbulence is smaller than the telescope size. Typical numbers are 0.1 − 0.2 m in the visible and 0.5 − 1 m in the near infrared. That is a reason why many interferometers have aperture diameters below 1 m (see Table 4.1). In the millimeter, r_0 is larger than the antenna sizes. The temporal Fried’s parameter, t_0, which corresponds to the temporal scale of the turbulence is of the order of 10- 100 ms in the optical versus several minutes in the millimeter. That is why it is possible to use phase referencing (phase calibration on a source with known phase) with radio interferometers by off-pointing the interferometer, when it is almost impossible to calibrate the phase in the optical. The only way to retrieve the phase is to measure closure phases with more than 3 apertures or to use a dual-beam interferometer and an accurate metrology like for narrow-angle astrometry (see Sect. 4.3.2). The fact that the phase is almost impossible to get in the optical makes therefore a large difference in the way the data are processed to obtain images.

A last difference is the type of noise encountered. The main source of noise in millimeter interferometry is the thermal noise. In optical interferometry, the three type of noises are the photon noise, the readout noise of the detectors and the background noise, coming either from thermal emission or from the sky brightness. In addition, noise from the atmosphere turbulence, either photometric fluctuations or speckles, must be taken into account.

4.3 Description of optical interferometers

This section is dedicated to the overview of interferometric systems. We first go through the functional description of a typical optical interferometer, then describe the different types of interferometers with specific objectives.

4.3.1 Functional description

Optical interferometry aims at measuring the complex degree of coherence of the observed object. To achieve such a goal, optical interferometers require the following functionalities:

Figure 4.2: Four examples of optical interferometers. The array can be linear and continuous (GI2T), L-shaped with several stations (IOTA), Y-shaped with fixed telescopes (CHARA) or the filling of an equivalent 200-m aperture (VLTI).

• Interferometric array. Several types of array configurations have been designed in order to give access to the different spatial frequencies (see Fig. 4.2). The three criteria are the number of telescopes, but also the length and the orientation angle of their associated baselines. One can choose to have either fixed telescopes (PTI, KI, VLTI/VIMA) or movable telescopes (GI2T, IOTA, VLTI/VISA). Like in radio interferometry, Earth rotation allows to sample the uv tracks. If the object displays a wavelength-independant structure like a binary, the coverage of the uv plane can be performed with spatial frequencies at different wavelengths.

• Apertures. They ensure the light collection. Either siderostats (IOTA, PTI, SUSI) with diameter less than 50 cm or more or less traditional telescopes (GI2T, CHARA, KI, VLTI) for larger diameters can be used. In case of large siderostats, a fixed beam compressor is used to compress the beam diameter for propagation toward the central lab.

• Beam transportation. Once the object light has been captured by the apertures, one carries out the individual beams toward the combination laboratory. Usually the optical path is designed so that a complete symmetry of the mirrors in each arms minimizes the differential polarization effects. The optical train contains typically of the order of 20 mirrors. [Froehly 1981] suggested to use optical fibers to carry the light from the apertures to the lab. This technology has been tested by [Coudé Du Foresto, Mazé, & Ridgway 1993] and is the key of the coming O’HANA project which will gather the light from the 8-m class telescopes on the Maunea Kea in Hawaii [Perrin et al. 2000]. Some interferometers use vacuum optics (PTI, IOTA, NPOI,...) to decrease the dispersion due to the propagation in the air of the delayed beam (see Sect. 4.5.2).

• Wavefront correction. The incoming light travels through the atmospheric turbulence (see Sect.

4.5.1). The wavefront is then corrugated and the images of the object move due the seeing. Almost

Figure 4.3: Some examples of delay lines

all interferometers have therefore at least a 2-actuator adaptive optics system that corrects from the tip and the tilt (IOTA, NPOI, PTI). Large interferometers with aperture diameter larger than 1 m have plans for higher correction of the wavefront (VLTI/VIMA, KI-main, GI2T, LBT, CHARA). The goal is to stabilize the light and to increase the Strehl ratio of individual beams, i.e. the quality of the central peak. One should note that GI2T currently works in multi-speckle mode and therefore does not formally require AO systems to properly work, even if it would increase its sensitivity performance.

• Delay lines. When the object observed is traveling across the sky, the external optical path difference (OPD) between two arms is equal to B sin z, where B is the baseline length and z is the zenith angle. To achieve the fringe detection, the two arms should be equal at the level of the micrometer. In the first experiment by [Labeyrie 1975], the stabilization of the OPD was performed by moving the beam combination table. Nowadays, most interferometers prefer to use optical delay lines (DL) using cat’s eyes located on movable chart. Moving a DL either in one arm or another compensates the sidereal motion of the star, exactly like telescope mounts follow the stars displacements. For very long delays, one often has to design and build long DLs that offer only optical delays by steps of a few meters coupled with DLs with shorter strokes (KI, CHARA).

• Optical path difference stabilization. The atmospheric turbulence produces not only wavefront corrugation at the level of individual apertures but also at the level of the interferometer called atmospheric piston. The consequence is that the OPD is fluctuating and the fringes move back and forth. Using a fringe sensor (a simple beam combiner that measures the OPD at a frequency higher than the typical atmosphere timescale), one is able to send corrective commands to the DLs. This feature is the zero-degree of adaptive optics for an interferometer. A fringe sensor coupled with a DL is called a fringe tracker and allows to stabilize the signal for longer integration.

• Beam combination. The interferences between the various beams can be achieved in many ways (see Sect. 4.4). One usually distinguishes the so called co-axial beam combiners (BCs) that combine the light coming from the same optical axis (like with a beam splitter in the laboratory Michelson interferometer) and the multi-axial ones that produce interferences between beams coming from different directions (like in the Young’s experiment). The beam combination is usually made with lenses, mirrors and/or beam splitters. However, the optical functions used by the telecommunication industry has given birth to fibered BCs (e.g. FLUOR [Coudé Du Foresto, Mazé, & Ridgway 1993]) and integrated optics ones (see IONIC experiment [Malbet et al. 1999]) using single mode waveg-

Figure 4.4: Beam combiners. Left: beam combiners in bulk optics. Right: beam combiners using the integrated optics technology.

uides.

• Detection. This fundamental step makes use of photon detector either with photo-counting capability in the visible range or CCD with low read-out noise in the infrared. The dispersion of the light can be done just before the detection and the instrument looks similar to a spectrograph.

The schematic layout of the VLTI is displayed on Fig. 4.5. It is typical of most of interferometers. A difference is that the focal plane hosts several instruments: VINCI the commissioning BC based on known technology, AMBER the near infrared spectrograph and MIDI the thermal infrared camera. Smaller interferometers have usually only one dedicated instrument optimized for their astrophysical targets (binaries, stellar diameters, envelopes,...).

4.3.2 Specific applications

I see 5 types of scientific usages of the interferometric light combination.

Interferometry in the past has been most often used with only two apertures. Therefore since the atmospheric piston prevents any absolute phase calibration, the astronomers can only measure the amplitude of the complex visibility and a phase difference between two spectral channels when the instrument has some spectroscopic capability. The goal is then to measure the visibility amplitude or a differential phase, also called two-color phase, and to interpret the variations of these measurements with time, with baseline length, or with baseline angle. An important field of application is the measure of stellar diameters and binary orbits, but recently it has been extended to circumstellar envelopes and accretion disks.

The dream of most interferometrists is to perform actual imaging like in the radio domain using aperture synthesis. The interferometer COAST has been built with this goal in mind. That is why it is composed of 4 telescopes in order to increase the efficiency of the uv plane coverage, but also to use the technique of closure phases. This closure phase technique, used to be of high importance in radio interferometry, allows to self-calibrate the sum of the phases measured simultaneously by three baselines. This method is very similar also to the bispectrum one in speckle interferometry. However for technical reasons, the beam combination of N ≥ 3 beams appears to be difficult and only few reconstructed images

Figure 4.5: VLTI optical layout

have been obtained so far. The outcome of integrated optics might change the situation in the future [Malbet et al. 1999].

The group working on NPOI has been focusing on the wide-angle astrometry for a long time (previously at the Mark III interferometer, ancestor of PTI and NPOI). The idea is simple and once again similar to what is being done in radio: when the interferometer detects fringes, the two paths of the interferometer are equal to a fraction of a micrometer. Since the delay due to the sidereal motion of the stars is given by

δ = B cos θ + C, (4.2)

where B is the length of the baseline, θ is the altitude of the star in the sky and C an internal constant, then the knowledge of B and C together with the measure of the stroke given to the DL give access to cos θ. The objective consists in measuring the group delay of several tens of stars at different moments of the night and to fit the curves with cosine of the same amplitude B. The internal metrology measures the internal constant C. After post-processing, both the position of the stars and the baseline are deduced with a precision of the order of the fringe spacing λ/B, i.e. about 1 mas.

Recently, following the work on Mark III, [Shao & Colavita 1992] proposed the narrow-angle astrometry technique. The idea is to observe two objects sufficiently close so that the atmospheric perturbations affecting the stellar path on each telescope is almost the same for the two objects. The correlations in the perturbations is used to increase the accuracy of astrometric measurements down to 10 μas opening the search for the reflex motion of stars due to the presence of planets. To achieve such an objective, one has to separate the field at each aperture in two sub-apertures and to propagate in parallel the light from the two stars in two different interferometric systems. A differential metrology allows to link the two interferometers. When the fringes are detected on the two detectors, the differential metrology gives the

4.4. FORMATION OF THE INTERFEROMETRIC FRINGES 49

Figure 4.6: Principle of a nulling interferometer (see text for details).

differential delay between the two stars:

Δδ = BΔθ + d, (4.3)

Where Δθ and d are respectively the differential angle between the two stars and the internal constant. One interesting application of such a dual interferometer is phase referencing like in radio: if a close-by reference star has a zero-phase then the measure Δδ leads to the actual phase of the science target. In radio, the atmosphere is quiet enough to measure the phase reference by depointing the interferometer whereas in the optical domain, the two measurements must be made at the same time. The PTI is the interferometer that hosts this technique.

Finally, many groups are working on the concept of nulling interferometers. The idea [Bracewell 1978] is to use the coherence of the light to interferometrically cancel the light arriving in the interferometer boresight. An object located off-axis has translated fringes. In certain directions, the bright peaks of the object fringes are located over the dark zones of the central star fringes. If the nulling in the dark fringes is high enough, the dynamic range of this technique can reach high values (see Fig. 4.6). This application is extremely interesting in the case of the study of extra-solar planets. Those planets are expected to be between 10^4 and 10^9 fainter than their parent stars. Nulling the light of the central star is the only way to detect photons from these worlds. To achieve such performances, the instruments like DARWIN pill up several stages of such nulling interferometers to reach high rejection rate.

4.4 Formation of the interferometric fringes

In this section, I focus on the light combination and the signal detection.

4.4.1 Beam combination

[Mariotti et al. 1992] tried to classify the different types of beam combination (see Fig. 4.7). They have defined 4 levels of criteria:

• Beam étendue: what is the field accessible by the detector at each telescope? If this field is limited to the diffraction pattern of the telescope, then the interferometer is called single-mode, whereas if the interferometer processes more information than the one in the diffraction pattern it is multi-mode. For example in radio, all interferometers are single-mode.

• Beam direction: how the light coming from the different arms are combined? If the beams are combined with beam splitters so that they appear to come from the same direction, then the combination is called co-axial (see Fig. 4.8a) and gives a flat tint on the detector. If the beams appear to come from various direction (see Fig. 4.8b) like in the Young’s experiment the beam combination is called multi-axial.

Figure 4.7: Mariotti’s classification (adapted from [Mariotti et al. 1992]).

Figure 4.8: All-in-one coaxial (left) and multiaxial (right) 4-way beam combination schemes.

• Combination plane: does the beam combination occur in the image plane, conjugated with the sky, or, in the pupil plane, conjugated with the telescope pupils (see Fig. 4.9)?

• Relation between the input and output pupils: what is the interferometric field of view? The answer depends on the relationship between the input / output^1 pupil geometry. One can distinguish 3 cases:

1. Fizeau-Stéphan setup where the input and output pupils are homothetic (both pupil separation and diameters).

2. Densified pupil used by the hyper-telescopes [Pedretti et al. 2000] where the position of the sub-pupils in the output pupil are scaled to the input ones but the diameters of the sub-pupils are magnified.

3. Michelson-Pease setup where there is no link between the input pupils and the output pupils.

The resulting field of view (F oV ) are sorted by increasing size: F oV_1 ≥ F oV_2 ≥ F oV_3. The Fizeau-Stéphan set-up gives access to a larger field of view but is difficult to implement since the homethetic relation must be conserved during the transit of the object. It would require continuously reconfigurable beam combiners.

The tree that corresponds to this classification (see Fig. 4.7) shows the complexity of beam combination in optical interferometry. However, all but one current interferometers have been designed to be singlemode, GI2T-REGAIN being the only one using the multi-mode beam combination scheme.

4.4.2 Fringe coding and detection

Once the beams have been combined, one still needs to detect the fringes. Since optical detectors have access only to the intensity of the electric field, the signal must be modulated in phase in order to measure both the amplitude and the phase of the visibility. The signal measured from the combination of two arms A and B is deduced from Eq. (4.1):

I(ϕ_{mod}) = I_A + I_B + 2 √ I_AI_B V_OV_I cos(ϕ_O + ϕ_{mod}). (4.4)

The goal is to evaluate the complex visibility V_O exp(iϕ_O) of the object. One needs to modulate ϕ_{mod} so that the variation of I(ϕ_{mod}) in function of ϕ_{mod} leads to the amplitude of the visibility. There are mainly two types of fringe coding: the temporal or spatial coding.

In the multiaxial combination scheme, since the beams from the different arms come from different directions, ϕ_{mod}(x) = 2π(bx/d)/λ. Therefore analyzing the light at different positions on the detector plane, gives the visibility information (see Fig. 4.10). In the coaxial combination scheme, one introduces a variable optical path length on one arm: ϕ_{mod}(δ) = 2πδ/λ (see Fig. 4.11). There exists also other types of coding using the polarization or wavelength dependence of the phase, but they are rarely used.

When combining more than two beams, one has to decide if one uses all-in-one or pairwise beam combination. When the number N of telescopes increases the all-in-one combination is prefered because it involves less optical elements. In a pairwise scheme, all beams must be splitted in N − 1 beamlets to be combined with the other telescopes. The all-in-one solution is displayed both for co-axial and multi-axial combinations in Fig. 4.8. However, one has to be cautious on the redundancy of the fringe frequencies so that the signals from two different baselines are not mixed together. That is why in the multi-axial combination the sub-pupils are separated by non-redundant separations, and, in co-axial combination the OPD scan frequencies and amplitudes are also not redundant.

4.5 Main challenges in interferometry

In this section, I address the main difficulties encountered in optical interferometry. The main one is the effect of turbulence due to the atmosphere. I will also tackle the limitation in terms of performance due to the various types of noise.

1The input pupil is the plane where the electric field coming from the object enters the interferometer. The output pupil is the plane where the electric field exiting from each optical train before being combined on the detector.

4.5.1 Atmosphere turbulence

The main effect of the presence of the atmosphere is the corrugation of the incoming wavefronts. Due to difference of temperature between the ground and the upper layers of the atmosphere, convection occurs and creates turbulent eddies. These eddies are characterized by different temperature and therefore different refractive indices. They move up and down with different spatial scales. When looking to objects through the atmosphere, the light rays are deviated randomly, i.e. the plane incoming wavefront is corrugated by different phase delays depending on the total optical thickness of the atmosphere along the propagation path (see Fig. 4.12). In optical interferometry, this phenomenon called seeing yield two main consequences:

• at each telescope pupil entrance, the local wavefront is corrugated. One does not get diffractionlimited images of the object, but seeing-limited ones. In short exposure images and for multi-mode interferometers, the image is formed of various speckles (see left panel of Fig. 4.13) and in longexposure images its typical size is given by the characteristic size of turbulent cells where the light is coherent, i.e. several tenths of meters. In addition, these features move with time at timescale of several milliseconds. In the case of single-mode interferometers, the speckles are spatially filtered at the entrance of the interferometer and are translated in fluctuations of the light coupling. Therefore one has to correct from the photometric fluctuations induced by the turbulence (see right part of Fig. 4.13 and Sect. 4.5.3).

• the atmosphere induces fluctuations of the optical path differences for each baseline. The result is that the fringes are not stable at a given optical delay but randomly move around the sidereal position. It is impossible to calibrate the phase of the fringes and their amplitude is also decreased due to smearing during the integration time.

The atmosphere decorrelates the phase between different points of the incoming wavefronts both in space and in time. That is why we usually present the turbulence as yielding coherence volumes inside which the wavefront can be considered as a non-disturbed plane wave. The geometric parameters of the coherence cell are called the Fried’s parameters:

– the size of the cell, r_0, typically 10 cm at λ = 0.5 μm and 1 m at λ = 2.5 μm depending of the turbulence strength.

– the coherence time, t_0, typically 10 ms at λ = 0.5 μm and 100 ms at λ = 2.5 μm.

The turbulence occurs at different spatial scales and a popular model is the Kolmogorov model that represents the power spectrum of the turbulence as a power law [Roddier 1981]. However the turbulence at small spatial frequencies saturates, i.e. the size of the largest eddies is limited. This limit, L is called the outer scale of the turbulence and is important in interferometry since we estimate its size to be of the order of 10 − 100 m, typical lengths of most interferometer baselines. If the baseline is larger than the outer scale then the effect of turbulence is less than predicted by the Kolmogorov model.

4.5.2 Other atmosphere systematics

Optical interferometers must also take into account the atmospheric refraction and the longitudinal spectral dispersion.

The wavelength dependence of the air refractive index implies wavelength-dependent refraction angles when the light enters the atmosphere. The atmosphere acts like a prism and the images at each aperture are spectrally dispersed. Single mode interferometers spatially filter the incoming wavefront, that means they select a part of the image. Therefore this refraction effect decreases the coupling factor in the interferometer. The larger the telescope size, the smaller the diffraction-limited images: this effect begins to be important for large telescopes. Atmospheric dispersion correctors are classical devices made of two prisms that can rotate and compensate the dispersion due to the atmosphere refraction.

The refraction induces chromatic arrival angle, but does it result in chromatic OPD. Fig. 4.15 shows that even if the optical paths are different for two different wavelengths, they are the same for each aperture and the OPD remains zero for all wavelengths. The refraction does not yield a chromatic OPD.

However, the optical delay due to the zenith angle of the observed object has to be compensated by delay lines. If the delay lines are located in vacuum the compensation matches exactly the geometrical delay above the atmosphere, but if the optical delay in performed in air, then the compensation is performed only for one wavelength because of the chromatism of the air refractive index n(λ). The resulting OPD given by a delay L of the delay line that matches the geometrical delay δ at λ = λ_0 is then: OP D(λ) = ( n(λ) n(λ_0) − 1 ) δ (4.5)

Therefore the location of the zero-OPD changes with wavelength. At high spectral resolution, the main effect is to twist the fringes, whereas at low spectral dispersion the contrast of the fringes can be severely decreased. To overcome this effect and besides using vacuum delay lines, two translating prisms produce a variable glass thickness that compensates exactly the chromatic OPD. This device is called a longitudinal dispersion compensator.

4.5.3 Fighting the atmosphere: complexity and accuracy

The previous sections show that the propagation in the air implies several problems. The chromatic effect of the air refractive index can be compensated by an atmospheric dispersion compensator and a longitudinal dispersion corrector. These phenomena are completely predictable and therefore can easily be controlled by computer in function of the zenith angle.

However the effect of the turbulence is much more difficult to control since the time scale is of the order of several milliseconds and the spatial scales are small. Adaptive optics (or tip-tilt compensation) and fringe trackers are therefore required to increase the sensitivity of optical interferometers (see Sect. 4.3). However the correction is never perfect and some residuals can still affect the signal.

One solution is to use speckle techniques to calibrate those residuals. GI2T has proven that one can use several speckles to calibrate the visibility of an object. Another method is to filter out the incoming wavefront. The principle is well-known by the opticians: they clean up images by placing so-called spatial filters in the Fourier plane associated to the images. With a pinhole at the focus of a telescope, the wavefront in the exit pupil is then cleaned up and flat. The wavefront corrugation is transfered in intensity fluctuations since the speckle image on the pinhole is not stable. Optical waveguides, like optical fibers, are optical devices that behave like infinitively small pinholes but with a high coupling efficiency (typically 70%). The signal that exits from a waveguide is an electric field whose shape is given by the geometry of the waveguide (and therefore is fixed) and for which only two parameters can vary: the global amplitude and the phase. By measuring the variations for the photometry for each beam, we can compute a visibility corrected from the atmospheric perturbations. The visibility estimator,

V_{corr} = 2 √ I_A I_B I_A + I_B

V_{mes}, (4.6)

little depends on the turbulence with V_{mes} the raw visibility, I_A and I_B the intensities measured for each beam.

This method has proven to be very accurate in measuring visibilities. FLUOR reaches 0.3% for some targets [Coudé Du Foresto, Ridgway, & Mariotti 1997]. However, one should keep in mind that the measured visibility is not exactly the object visibility except if the objet is not resolved by the individual apertures. When the object is larger than the projected size of the spatial filter on the sky, one has to apply a visibility correction using the information given by the image obtained with the resolution of the individual apertures.

4.5.4 Noise sources - Sensitivity

The signal measured with an optical interferometer is affected by several sources of noises. In the case of the instrument AMBER on the VLTI these sources of noises are:

– the photon noise is the fundamental noise associated to the detection of the photons. It follows a Poisson-type statistics.

– the detector read-out noise is the noise of the electronics that reads the signal. It is an additive Gaussian noise with a characteristic level called the read-out noise (RON).

– the thermal noise is the noise that comes from the detection of background photons. The background level is measured and subtracted. The background estimation gives an error due to the photon statistics.

– the instrument OPD stability is not a noise that affects the detected photons, but the measured visibility. The residual motions of the optics in the instrument induce a blurring of the fringes at a small level. In AMBER, we expect this level to be lower than 10^{−4} of the unit visibility.

– the atmosphere fluctuations, even corrected by simultaneous measurements of the photometry induce degradation of the signal-to-noise ratio. The obvious situation is the case where no photons are coupled into the interferometer.

Computing the error propagation in the final signal allows to calculate a signal-to-noise ratio (SNR) for different type of situations. To illustrate the consequence of the source brightness on the performance of an interferometer, I show in Fig. 4.17 the SNR curve for different star magnitudes in the case of the AMBER instrument on the unit telescope of the VLTI with different typical values of the site.

For bright objects the dominant noise source is the instrument stability. When observing faintest objects, the limitations become first the photon noise, then depending on the integration time, either the thermal background noise or the read-out noise.

4.6 Conclusion

I have presented some elements of the present state of the art in optical interferometry focusing on the functional description, some design choices and the various limitations with the objective to give to the readers the keys to compare this technique with radio interferometry at millimeter wavelengths.

We see that optical interferometry is a younger technique than the radio interferometry because of the complexity of the systems mainly due to the struggle against the atmosphere. It leads to smaller spatial resolution but has still to learn from the radio experience.

We are entering a new era where optical interferometers with large telescopes and increased sensitivity become general user instruments (KI, VLTI). I did not address the topic of optical interferometry in space that faces other challenges. However the search for extra-solar terrestrial planets is certainly driving this area with two main projects: the Space Interferometry Mission (SIM) dedicated to astrometry and the TPF/DARWIN mission focused on nulling interferometry.

Note: To obtain exhaustive and todate information on optical interferometers, I advise the reader to browse OLBIN, the optical long baseline interferometry newsletter managed by P. Lawson. The address is http://olbin.jpl.nasa.gov.

Figure credits

Fig. 4.1: L. Rarogiewicz, Mount Wilson Observatory.

Fig. 4.2: Département Fresnel, Observatoire de la Côte d’Azur; Smithsonian Astrophysical Observatory and Harvard University Center for Astrophysics, University of Massachusetts; Georgia State University; European Southern Observatory.

Fig. 4.3: Mullard Radio Astronomy Observatory, University of Cambridge; Jet Propulsion Laboratory, Palomar Observatory; European Southern Observatory.

Fig. 4.4: Mullard Radio Astronomy Observatory, University of Cambridge; US Naval Observatory, Naval Research Laboratory, Lowell Observatory; Laboratoire d’Astrophysique, Observatoire de Grenoble.

Fig. 4.5: European Southern Observatory.

Fig. 4.7: European Southern Observatory [Mariotti et al. 1992].

Fig. 4.10: right panel, Infrared Interferometry Group, Max-Planck Institut für Radioastronomie. Fig. 4.11: right figure, Laboratoire d’Astrophysique, Observatoire de Grenoble.

Fig. 4.13: Annual review of astronomy and astrophysics [Labeyrie 1978]; Laboratoire d’Astrophysique, Observatoire de Grenoble.

Fig. 4.14: AMBER consortium OCA, LAOG, UNSA, MPIfR, OAA (AMB-OSM-007 report). Fig. 4.16: Astronomy & Astrophysics Supplement Series, EDP Sciences [Coudé Du Foresto, Ridgway, & Mariotti 1997];

DESPA, Observatoire de Paris-Meudon.

Fig. 4.17: AMBER consortium OCA, LAOG, UNSA, MPIfR, OAA (Instrument Analysis PDR Report).

Internet resources

The following web sites have been used for some figures of this chapter.

– Mount Wilson Observatory, 20ft interferometer: http://www.mtwilson.edu/Tour/100inch/20ftI (Fig. 4.1) – GI2T: http://www.obs-nice.fr/fresnel/gi2t (Fig. 4.2) – IOTA: http://cfa-www.harvard.edu/IOTA (Fig. 4.2) – CHARA: http://www.chara.gsu.edu/CHARA (Fig. 4.2) – VLTI: http://www.eso.org/projects/vlti (Figs. 4.2, 4.3, 4.5) – COAST: http://www.mrao.cam.ac.uk/telescopes/coast (Figs. 4.3, 4.4) – PTI: http://huey.jpl.nasa.gov/palomar (Fig. 4.3) – NPOI: http://ad.usno.navy.mil/npoi (Fig. 4.4) – IONIC: http://www-laog.obs.ujf-grenoble.fr/activites/hra/ionic (Figs. 4.4, 4.13) – MPIfR: http://www.mpifr-bonn.mpg.de/div/ir-interferometry (Fig. 4.10) – AMBER: http://www.obs-nice.fr/amber (Figs. 4.14, 4.17) – FLUOR: http://despa.obspm.fr/fluor (Fig. 4.16)

Figure 4.9: Combination planes.

Figure 4.10: Multiaxial beam combination and spatial coding of two-aperture fringes. Left: the OPD changes with the x-position on the detector. Center: the fringes appear superposed to the beam shape. Right: fringes (y-axis) spectrally dispersed (x-axis) in the IR channel of GI2T [Weigelt et al. 2000].

Figure 4.11: Coaxial beam combination and temporal coding of two-aperture fringes. Left: different types of OPD modulation. Center: theoretical signal. Right: signal observed with the IR table at IOTA.

Figure 4.12: Effect of the atmosphere turbulence on the incoming wavefronts.